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Introduction
太陽磁場の特徴と太陽ダイナモ問題



研究目的：太陽磁場の理解
黄色：正極性、青色：負極性
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太陽磁場の特徴：大局性・収束性・周期性
✴太陽磁場の3つの特徴：
①大局性

②収束性（集中性）

③周期性

：黒点のスケール		≫	対流スケール

：局在化　　一様分布

：11年周期　　ランダム
※時空間コヒーレンスを持つ	
			磁場の作り方を解き明かす



太陽磁場の特徴		-	5つの経験則と例外：マウンダー極小期	-

約70年

互作用（“局所ダイナモ”と呼ばれることもある）によって

生成されると考えられている［８‐１０］．一方，後者の代表が

黒点であり，数キロガウス（１ガウス＝１０－４テスラ）の空

間的にコヒーレントな磁場からなる［１１‐１３］．

黒点の典型的なサイズは!（１０）Mm（メガメートル）で，

粒状斑の典型的スケール（～１Mm）と比べると遥かに大

きい．粒状斑のもつ運動エネルギーと等分配な磁場強度は

!（１００）ガウスなので，黒点では強い磁場によって対流が

抑制される（対流による熱輸送が抑制され，静穏領域と比

べて相対的に温度が低くなるため，黒点は黒く見える）．

表面近傍の対流では，黒点のような大局的かつ強い磁場の

形成を担うことができない．そのため，黒点の形成領域は

必然的に太陽内部に求められることになる．

太陽黒点は空間的コヒーレンスだけではなく，時間的コ

ヒーレンスにも特徴があり，以下のような規則性をもつこ

とが経験的に知られている［１４‐１８］：

（１）黒点は正極と負極の双極（対）構造で出現する．

（２）黒点対を結ぶ軸は東西方向から約５度傾いている．

（３）黒点数は約１１年周期で増減を繰り返す．

（４）黒点対の極性は南北反対称で周期ごとに反転する

（極性反転を考慮すると太陽サイクルは約２２年）．

（５）黒点の出現緯度は時間とともに中緯度から赤道へ向

かってドリフトする．

太陽黒点の経験則を図２にまとめる．
太陽ダイナモ理論は，これらの観測結果の全てを物理無

矛盾かつ定量的に説明できるものでなくてはならない．た

とえ物理的には正しいダイナモ理論であったとしても，こ

れらの観測結果を説明できない理論は『太陽』のダイナモ

理論としては相応しくない．科学の歴史は，天体の観測結

果を説明するための試行錯誤が，新たな物理を構築するた

めの土壌になってきたことを我々に教えてくれる．そのよ

うな視座に立てば，観測と理論の両面から反復的かつ定量

的にダイナモ理論を検証できる太陽は，天体ダイナモ機構

を理解するための絶好の実験場だといえよう．

４．２．２ 太陽内部構造と内部平均流分布
身近にある太陽といえども，光球より内側で起こるダイ

ナモ過程を直接観測することはできない．しかし，太陽の

内部構造とエネルギー変換を媒介する太陽内部のプラズマ

の流れは，日震学（Helioseismology）手法で精密に測定され

ている［１９‐２１］．日震学とは，太陽表面の振動を観測する

ことで内部構造を探る手法であり，波の振動数の観測値か

ら非摂動状態を探る一種の逆線形解析（固有値問題の逆問

題を解く）手法である．日震学には，太陽の固有振動モー

ドから大域的な内部構造を探る「グローバル日震学」と，

波の伝搬時間と距離の関係から局所領域の構造や流れの様

子を描き出す「局所日震学」の二種類がある（局所日震学

は今世紀に入って進展した比較的新しい測定手法である）．

まずグローバル日震学が明らかにした太陽内部構造と内

部平均流分布をまとめよう［１９，２０］．平均流とは，時間・方

位角平均をとって得られる流れの大局成分のことである．

図３a で模式的に示すように，太陽内部は（１）赤道加速型の

図２ 太陽黒点の観測的性質：（a）Hale-Nicolson’s law & Joy’s
law【経験則（１）と（２）】，（b）Schwabe’s law【経験則（３）】，
（c）Carrington-Sporer’s law【経験則（４）と（５）】．図（c）で
は方位角平均をとった磁場の時間‐緯度進化を示している．

図３ （a）日震学によって確立された太陽内部構造と内部平均流
分布（子午面を図示）．実線が等角速度線，太矢印が観測さ
れている対流層上部の子午面流を表す．（b）磁束輸送ダイ
ナモモデルの模式図．破線は想定されている子午面循環
流．対流層上部の子午面流は観測されているが，深部の赤
道向きの流れは理論予測であることに注意が必要である．
（１）タコクラインでは!効果で Bp成分から B"成分が生成
される．増幅された B"成分は，その強度が臨界値（約
105 G）を越えると，十分な磁気浮力を得て太陽表面へ向
かって浮上を開始する．（２）浮上する磁束管にはコリオリ
力が働くので，浮上中にB"成分からBp成分が生成される．
強い磁場からなる磁束管は対流によって壊されることなく
太陽表面まで浮上し，最終的に黒点を形成する．（３）浮上
過程で生成されたBp成分が，子午面循環流によってタコク
ライン層に再注入され，ダイナモループが閉じる［（１）に戻
る］．
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矛盾かつ定量的に説明できるものでなくてはならない．た

とえ物理的には正しいダイナモ理論であったとしても，こ

れらの観測結果を説明できない理論は『太陽』のダイナモ
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図３a で模式的に示すように，太陽内部は（１）赤道加速型の

図２ 太陽黒点の観測的性質：（a）Hale-Nicolson’s law & Joy’s
law【経験則（１）と（２）】，（b）Schwabe’s law【経験則（３）】，
（c）Carrington-Sporer’s law【経験則（４）と（５）】．図（c）で
は方位角平均をとった磁場の時間‐緯度進化を示している．

図３ （a）日震学によって確立された太陽内部構造と内部平均流
分布（子午面を図示）．実線が等角速度線，太矢印が観測さ
れている対流層上部の子午面流を表す．（b）磁束輸送ダイ
ナモモデルの模式図．破線は想定されている子午面循環
流．対流層上部の子午面流は観測されているが，深部の赤
道向きの流れは理論予測であることに注意が必要である．
（１）タコクラインでは!効果で Bp成分から B"成分が生成
される．増幅された B"成分は，その強度が臨界値（約
105 G）を越えると，十分な磁気浮力を得て太陽表面へ向
かって浮上を開始する．（２）浮上する磁束管にはコリオリ
力が働くので，浮上中にB"成分からBp成分が生成される．
強い磁場からなる磁束管は対流によって壊されることなく
太陽表面まで浮上し，最終的に黒点を形成する．（３）浮上
過程で生成されたBp成分が，子午面循環流によってタコク
ライン層に再注入され，ダイナモループが閉じる［（１）に戻
る］．
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Eventually the heirarchy 
must culminate in motions 
large enough to sense the 
spherical geometry and 

rotation

Giant Cells!

ṁ = 4�r2gf⇥vr ⇠ 4.3⇥ 1021g s�1

� ⇠ MCZ/ṁ ⇠ 370 years!

Surface convection establishes a 
radial entropy gradient which 
sustains large-scale convective 

instabilities

(Even in linear, non-rotating, Cartesian 
systems, fixed heat flux promotes large 

horizontal scales; Hurle, Jakeman & 
Pike 1967, Depassier & Spiegel 1981)
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太陽磁場の起源の研究の何が難しいのか？
難しさの根源は『乱流』 ・重力エネルギー		

　　　　~			熱エネルギー・熱エネルギー	
　　→	対流エネルギー	
														　　　→	磁気エネルギー	

（星と円盤の違い）
(差動回転のエネルギー含)

放射層		
(r	<	0.7Rsun)

対流層	
(0.7Rsun	<	r)

対流層は乱流状態
(Re	~	1012,		
		ReM	~	1013)

『乱流』の中から、いかにして	
時空間コヒーレンスの高い磁場を作るか？	
(※乱流磁場を作るのは簡単：放っておけばできる)	

太陽ダイナモ問題



太陽ダイナモの標準シナリオ
~	その変遷と問題点	~



``MHDダイナモ”の定義			~	「磁気エネを増幅すること」ではない！	~
MHDダイナモとは？

磁場を生成し、かつ磁気拡散時間よりも長く維持する機構	
＝	MHDダイナモ	

講座「MHDダイナモ」 第 1章
タイトル（和文）：MHDダイナモとは何か
タイトル（英文）：What is MHD Dynamo?
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1 はじめに
宇宙はプラズマで満たされているので大規模な電場は存在しない。もしどこかに大規模な電場が生まれた
としても、電荷の移動によってそれはすぐに中性化されてしまうであろう。だが磁場は違う。この宇宙には
いたるところに磁場があり、その大部分は天体が自分自身で作り出したものと考えられている。その磁場生
成機構がMHDダイナモである。「ダイナモ」とは「発電機」を意味する。日本語で「MHD発電」という
と、ふつうはMHD流体を使った発電方式（MHD power generator）を指す。電磁誘導による電流（ある
いは磁場）の生成という点では基本的に同じものであるが、MHD発電では、流体外部に電気回路で積極的
に電流を流すのに対し、MHDダイナモでは自然発生する電流が流体中で閉じているという違いがある。
磁気流体力学（Magnetohydrodynamics, MHD）において磁場 bの時間発展は誘導方程式

∂b

∂t
= ∇× (v × b) + η∇2b, (1)

(a) (b)

図 1: 高い磁気レイノルズ数を持つMHD流体をかき混ぜれば磁場は一時的に増大する。これはMHDダイ
ナモであろうか？
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・この場合,	かき混ぜるフォークがなくなれば磁場は散逸するだけ

・拡散の効果で磁場が消失するなら,	その系はダイナモとは呼べない

陰山聡「MHDダイナモとは何か」	
(核融合学会誌)より抜粋

・実はフォークが無くならなくても,	混ぜ方次第では時間が経って	
　磁場形状が複雑になれば,	生成に散逸が打ち勝つようになる



Cowlingの反ダイナモ定理	(Cowling	1933)

1 概要
太陽の磁場の維持機構と考えられているダイナモの機構はいくつかモデルが考えられているが、そのう

ちいくつかのモデルについてシミュレーションを行った上で、その検討をした。またパラメーターと周期の
関係を調べた。

2 序論
これからダイナモ理論を理解するための基本事項を説明する。

2.1 イントロダクション
太陽の活動や黒点数が 11年の周期を持って変動している事はよく知られている。黒点観測の歴史をさかのぼ

ると、17世紀初頭にGalileoが黒点の出現緯度が±30◦の間に限られる事を発見した。その後 Schwabe(1843)
が太陽の黒点数が 11年周期を持って増減している事を発見し、Carrington(1858)が黒点出現緯度は 11年
周期の間に赤道に近づいていく事を発見した。黒点は太陽の中で磁場の強い部分であるがこのような法則
がある、かつ太陽の磁場が拡散していかないのは運動エネルギーを磁場のエネルギーに変換する「ダイナ
モ」という機構が働いていると考えられている。

2.2 運動学的ダイナモと力学的ダイナモ
ダイナモ理論は、「運動学的ダイナモ」と「力学的ダイナモ」の二つにわかれる。前者は速度場を与えた

上で誘導方程式

∂B
∂t

= ∇× (u × B − η∇× B) (2.1)

のみを解く理論である。このダイナモでは磁場から速度場への揺り返しを考えていない。磁場が速度場に
影響を与えるほどまで強くならない場合にこの仮定の中で計算できる。
力学的ダイナモでは運動方程式

∂v
∂t

+ (v ·∇)v +
1
ρ
∇p − 1

cρ
j × B = 0 (2.2)

を誘導方程式と同時に解いて強い磁場があるとき、速度場への揺り返しを考えることができる。しかし誘
導方程式と運動方程式を同時に解いてダイナモ問題を解くのは困難を伴うので、多くの研究は運動学的ダ
イナモで行われてきた。

3

2.3 軸対称な誘導方程式
誘導方程式を簡単に解くために、軸対称の仮定を取り入れる。太陽は回転しているので、この仮定を取り

入れた。

2.3.1 トロイダル磁場とポロイダル磁場

図 1: トロイダル磁場 (左)とポロイダル磁場 (右)の図

　

軸対称を仮定して磁場をトロイダル
磁場とポロイダル磁場に分ける。左
図のように、回転軸に垂直な平面内
の磁場をトロイダル磁場 (Bφ)、回転
軸と平行な平面内にある磁場をポロ
イダル磁場 (Br, Bθ)という。トロイ
ダル磁場とポロイダル磁場を相互に
生成しあうことでダイナモとなる。

2.3.2 ダイナモ方程式

軸対称を仮定して誘導方程式をトロイダル成分とポロイダル成分に分解する。
そのために磁場をB = Bφeφ +∇× (Aeφ)としてトロイダル磁場Bφeφとポロイダル磁場Bp = ∇× (Aeφ)
の成分に分ける。簡単のため非圧縮と拡散率 ηが定数である事を仮定すると誘導方程式は以下の式になる。

∂A

∂t
= η

(
∇2 − 1

r2 sin2 θ

)
A − up

r sin θ
·∇(r sin θA) (2.3)

∂Bφ

∂t
= η

(
∇2 − 1

r2 sin2 θ

)
Bφ − r sin θup ·∇

(
Bφ

r sin θ

)
+ r sin θBp ·∇Ω (2.4)

これをダイナモ方程式1という。式 2.3のそれぞれの項を見ると右辺第 1項は拡散項、第 2項は移流項、式
2.4の右辺第 1項は拡散項、第 2項は移流項、第 3項は角速度に勾配があるときにポロイダル磁場からトロ
イダル磁場を生成するという項 (Ω効果)である。以上よりダイナモ方程式にはポロイダル磁場からトロイ
ダル磁場を生成する効果は入っているが、トロイダル磁場からポロイダル磁場を生み出す効果は入っていな
い。このままではポロイダル磁場はなくなるばかりでダイナモは成立しないので非軸対称の効果を考えて
式 2.3 に項を足して

∂A

∂t
= η

(
∇2 − 1

r2 sin2 θ

)
A − up

r sin θ
·∇(r sin θA) + αBφ (2.5)

とする。この αBφ を α効果という。

1付録 10.1 に導出
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✴誘導方程式
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流れの子午面成分をup	(ur,	uθ),	方位角成分をuφ	=	rΩとすると	
(ただし,	非圧縮,	磁気拡散率η	=	0を仮定)

Ω効果

Ω効果の概念図

BpからBφを生み出す効果は存在（Ω効果）.			一方、BφからBpを生み出す効果は存在	
しないため,	Bpは拡散するばかりでダイナモは成立しない（ダイナモループが閉じない）
→	軸対称性を破る効果が無ければダイナモは不可能（Cowling’s	anti-Dynamo	theorem）
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・後に理論的(数学的)な定式化	
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(c.f.,	Steenbeck,	Krause	&	Radler	1969;	Moffat	1978)
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コリオリ力

上昇流 上昇流

Bφ	→	Bp			
(α効果)

Bp	→	Bφ		(Ω効果)

α効果

ダイナモ	
ループ完結

E.	Parker
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Spontaneous Formation of Surface Magnetic Structure

from Large-scale Dynamo in Strongly-stratified Convection

Youhei MASADA1, and Takayoshi SANO2

ABSTRACT

We report the first successful simulation of spontaneous formations of surface magnetic struc-
tures from a large-scale dynamo by strongly-stratified convections in Cartesian geometry. The
dynamo-generated large-scale magnetic field, which extends over whole the convection zone, or-
ganizes a quasi-steady structure of the horizontal magnetic flux with the maximum intensity at
the mid-part of the convection zone. Since the strong stratification yields a small density scale-
height in the upper convection zone, the dynamo-maintained magnetic flux becomes unstable to
the magnetic buoyancy instability there. As a result of buoyant emergences of unstable magnetic
loops, the surface magnetic structure is spontaneously formed. The active region rooted in a
relatively-shallow convection zone might be a natural consequence of the large-scale dynamo in
the strongly-stratified convection.

Subject headings: convection – magnetohydrodynamics (MHD) – Sun: magnetism –sunspots
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: 乱流起電力
乱流α効果 乱流パンピング 乱流磁気拡散

（磁場の誘導効果） （乱流による移流）

γ効果は無視, αとηtは空間一様
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磁気的活動性と乱流ヘリシティ [= H (r,θ)] 分布の関係

α効果が効く Ω効果が効く
α効果＋Ω効果

極性反転を伴う大局的磁場 準定常な大局的磁場
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Figure 1.10: Parker’s picture (Parker 1955): an ensemble of short-lived, cyclonic events of the same parity
generate a large-scale field B perpendicular to the original field B.

and references therein). The -effect of mean field electrodynamics then provides a mechanism able to
close the dynamo loop: helical turbulent convection triggers the cyclonic events that regenerate the poloidal
field from the toroidal field. To illustrate this process further, we give below a simple example of mean
field equations derived in cylindrical geometry (Moffatt 1978). We consider the case of an axisymmetric
mean field, hence satisfying B , and for which the toroidal part is the azimuthal component of the
field, while the poloidal part (B ) lies on meridional planes. Even though Cowling’s theorem rules out the
possibility of dynamo action for an axisymmetric field, it does not prevent the growth of a non-axisymmetric
field with an axisymmetric mean. In MFE, the non-axisymmetric small-scale dynamics crucial for dynamo
action is captured by the parametrisation of the e.m.f. via the transport coefficients. It is therefore possible
to find non-decaying, axisymmetric solutions to the mean field equation. Writing the mean magnetic and
velocity fields as

B B e e e u U e (1.13)

and considering isotropic transport coefficients, the evolution equations for and become

U B B

U (1.14)

From these equations, we see that the -effect ( ) provides the essential ingredient by which the
poloidal field ( ) is regenerated from the toroidal field ( ). The latter can be generated via two
different mechanisms: the action of differential rotation ( B ; the -effect) and the -effect
( B ). In the Sun, order of magnitude estimates show that differential rotation is by far the
dominant process (Ossendrijver 2003) and the solar-cycle field is described by an -dynamo as depicted
in figure 1.11.

Parker’s picture of α-effect (Parker1955): "
an ensemble of short-lived,cyclonic events of the "
same parity generate a large-scale B-field  
perpendicular to the original B-field.!

Ω効果

α効果

●左側のHaveの減少はヘリシティの赤道域への集中を反映 
●右側のHaveの減少はコリオリ力の減少を反映

　Ω

ヘリシティ 
= v・∇× v

対流層底

対流層表面

上昇流 下降流

v・∇×	v	<	0
(@北半球)

α ∝ - v・∇× v
乱流α効果：



パーカーのαΩモデルの成功と衰退		-	日震学計測との不整合	-
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ਤ 6.7 ճసܥͰ্ঢ͢ΔΨεͷӡಈɼ๺൒ٿͷ৔߹Λࣔ͢ɽ+ɼ°ͷූ
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6.2.7 μΠφϞ೾
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ਤ 6.8 ඪ࠲ॴతͳσΧϧτہ

μΠφϞํఔࣜ (6.3)(6.6)Λ͏࢖ͱɼੜ੒͞ΕΔ࣓৔ͷৼΔ෣͍Λ͠Β

΂Δ͜ͱ͕Ͱ͖Δɽͱ͘ʹ؍ଌͱͷൺֱͰ͓΋͠Ζ͍ͷ͸ɼ࣓৔ग़ݱҢ౓
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͸͜Εʹ͍ͭͯ΋ٞ࿦͍ͯ͠Δɽ؆୯ͷͨΊʹɼࣜͷઢࣅۙܗΛ͜͜Ͱ͸

ॴతͳہͱͯ͠ܥඪ࠲Δ͜ͱʹ͢Δɽ͑ߟॴతͳ;Δ·͍͚ͩΛہɼ͑ߟ

σΧϧτ࠲ඪʢਤ 6.8ʣΛͱΓɼۂ཰ͷޮՌΛແࢹʢr !1ͱ͢Ε͹Α
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ਤ 6.9 μΠφϞํఔࣜΛେҬతʹղ͍ͨ݁Ռ ʢYoshimura 1975ʣ

6.3 ࣓ଋ؅ͷ্ঢӡಈ

ଠཅେؾʹΈΒΕΔ࣓৔͸ɼμΠφϞաఔʹΑͬͯද໘ԼͰ૿෯͞Ε

ͨ΋ͷ͕ݱΕͨ΋ͷͰ͋Δɽු্࣓৔ͷ؍ଌ͕ࣔ͢Α͏ʹɼ͜ͷͱ͖࣓৔

͸͋Δఔ౓·ͱ·ͬͨଋɼ࣓ଋ؅ʹͳͬͯݱΕΔɽॏྗͷ΋ͱͰ੒૚ͨ͠

Ψε૚தͷ࣓৔ʹ͸ʮ࣓ྗුؾʯͱΑ͹ΕΔྗ্͕͚͔ݟ͸ͨΒ͘ (5.5.2

અࢀরʣɽ·͙ͬ͢Ͱਫฏͳཱ࣓ͨ͠ݽଋ؅͕Ψεେؾதʹଘͨ͠ࡏͱ͢

Δ 5.53ࣜʹΑΕ͹ɼରྲྀ૚ͷఈʹ͋Δ࣓ଋ؅ͷ௕͕͞਺ेສ kmఔ౓Α

Γ௕͚Ε͹ɼ࣓ؾ࣓͕ྗුؾுྗ࡞༻ʹ͏͔ͪͬͯɼ࣓ଋ؅͸ු্͢Δɽ

͜ͷ࣓ଋ؅ͷු্ʹؔ͢Δ͔࡯ߟΒύʔΧʔ (1975)͸ɼݹయతμΠφ

Ϟʹର͢Δඇৗʹॏཁͳ࣮ࣄΛࢦఠͨ͠ɽ≠ ޮՌʹΑͬͯܗ੒͞Εͨτ

ϩΠμϧ࣓৔͕࣓ଋ؅ͱͯ͠ු্͢Δ࣌ؒ͸͔ͳΓ୹͘ɼཚྲྀతͳ Æޮ

ՌʹΑΔӨڹΛ͋·Γ͏͚ͣɼϙϩΠμϧ࣓৔͕΄ͱΜͲੜ੒͞Εͳ͍ͱ

ΑΔγϛϡϨʔγϣϯʢ6.5અʣʹࣅ؅ۙࡉఠͰ͋Δɽ͜ͷ͜ͱ͸ࢦ͏͍

・局所デカルト座標系を考える
(曲率効果を無視)

・ポロイダル運動(up)を無視
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平面波解を仮定すると

where
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分散関係 ・増幅解の条件：|ND| > 1 

・x > 0 に伝搬するための条件：
(赤道向き)   ND  < 0 

(αΩのダイナモ数)

Yoshimura (1975)

・対流層上部はα > 0@北なので 
　dVy/dz = dΩ/dr > 0 の時に 
　赤道向きに伝搬するダイナモ 
　波解が得られる (左図)
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✴日震学計測
 (c.f., Thompson+ 1996)

実際の太陽では 
dΩ/dr = 0 or < 0

αΩダイナモの 
要請とは合わない



現在の標準シナリオ：Babcock-Leighton型磁束輸送モデル

✴前提仮説：対流層では大局的磁場は生成されない（乱流α効果無し）
対流層・・・激しい乱流状態	→	大局的磁場を壊す効果

tachocline	(タコクライン)
(1990年代後半に発見	by	日震学)

①Ω効果：Bp	→	Bφ		＠タコクライン	

②磁気浮力による磁束浮上	(	>	105	G)	
(強い磁場なので対流に乱されず形状維持)

③α効果：Bφ	→	Bp		(磁気浮上中)	
(ただし乱流的ではなくグローバルなα効果)

　	→	強くコヒーレントな磁束管の形成

④循環流によるタコクラインへの磁束再注入

return	hlow	
(仮定)

single-cell	(仮定)		

circulation

ダイナモ	
ループ完結

→	対流安定な場所が都合が良い.	どこかないか？
→	放射層最上部に対流安定で差動回転が強い領域

r=0.996R

→	静かな場所で強くコヒーレントな磁場を作りたい	

子
午
面
環
流
速
度

Basu & Antia 2003

c.f., Dikpati & Charbonneau 1999
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Figure 18: Time-latitude diagrams of the surface toroidal field at the core-envelope interface
(Panel A), and radial component of the surface magnetic field (Panel B) in a Babcock–Leighton
model of the solar cycle. This solution is computed for solar-like di⇥erential rotation and meridional
circulation, the latter here closing at the core-envelope interface. The core-to-envelope contrast
in magnetic di⇥usivity is �� = 1/300, the envelope di⇥usivity �T = 2.5 � 1011 cm2 s�1, and the
(poleward) mid-latitude surface meridional flow speed is u0 = 16 m s�1.

Living Reviews in Solar Physics
http://www.livingreviews.org/lrsp-2005-2

Charbonneau (2005)

現在の標準シナリオ：Babcock-Leighton型磁束輸送モデル
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✴①～④のシナリオを実現できるように,	ある程度は現実	
　も踏まえて平均場モデルのパラメータを手で与える

平均流れ α効果 乱流磁気拡散

※乱流α効果は入っていない
・グローバルなα効果のモデル	(磁束管描像)

乱流磁気拡散のモデル

そうすると出てくるのが・・・

※線形方程式なので,	非線形効果の	
			モデルも加えて,	飽和させる必要	
			もある（平均場↑乱流効果↓）

サイクルを決めるのは子午面循環流の循環時間

©Dikpati



標準シナリオが抱える複数の問題点

② Building up a  
    strong B field

Dynamo Models of the Solar Cycle 43

Figure 18: Time-latitude diagrams of the surface toroidal field at the core-envelope interface
(Panel A), and radial component of the surface magnetic field (Panel B) in a Babcock–Leighton
model of the solar cycle. This solution is computed for solar-like di⇥erential rotation and meridional
circulation, the latter here closing at the core-envelope interface. The core-to-envelope contrast
in magnetic di⇥usivity is �� = 1/300, the envelope di⇥usivity �T = 2.5 � 1011 cm2 s�1, and the
(poleward) mid-latitude surface meridional flow speed is u0 = 16 m s�1.

Living Reviews in Solar Physics
http://www.livingreviews.org/lrsp-2005-2

Charbonneau (2005)

①タコクラインで105Gの磁場を作れない
- 105Gの磁気エネルギー≫ 運動エネルギー  
・弱磁場：放射層からの磁気浮力による脱出不可 
・弱磁場：対流に壊される 
・弱磁場：コリオリ力で高緯度域に浮上
②シングルセル循環流の観測による否定

最新の観測

Zhao+13

標準シナリオの再考

③タコクラインへの再注入機構も謎

（前提仮説すら怪しい：後述）

※パラメータ次第で合わせられる.  
  だが予言にはことごとく失敗.



太陽ダイナモ研究の現状
~	理解はどこまで進んでいるか？	~



平均場モデルから3次元MHDシミュレーションへ
✴平均場ダイナモモデル	→		MHD熱対流系の3次元シミュレーション

(粘性,	磁気,	熱拡散は考慮)

熱を流入

対流を自然駆動

対流層の表面

対流層の底

熱を流出
解いているシステム：開放系

2 Mabuchi, Masada and Kageyama

namic simulations of the compressible convection. However,
the influence of magnetic field on the rotation profile and its
transition is still controversial despite the magnetic field is an
inevitable outcome of electrically-conducting fluid motions
(e.g., Moffatt 1978; Krause & Raedler 1980).

In Masada et al. (2013) (hereafter MYK13), we suggested,
for the first time, that the formation of the solar-type DR is
associated with the development of the magnetic field : It
was found that the anti-solar type DR profile at the early dy-
namo kinematic stage transits to the solar-type profile after
the dynamo-generated magnetic field beginning to affect the
convective motion (see §4.1 in MYK13). Such a magnetic in-
fluence on the rotation profile was confirmed by independent
groups recently. Fan & Fang (2014) performed anelastic con-
vective dynamo simulation of the model with the realistic so-
lar internal structure, solar rotation rate and solar luminosity.
They showed that the dynamo-generated magnetic field plays
a crucial role in attaining the solar rotation profile in the ac-
tual solar parameter regime, i.e., the rotation profile becomes
the anti-solar type without the magnetic field. They also re-
ported that the bistability of the rotation profile, discovered
in earlier studies, disappears when allowing the evolution of
the magnetic field. The facilitation of the solar-type DR and
the disappearance of the bistability of the rotation profile due
to the magnetic field were confirmed by Karak et al. (2014),
in which they studied the effect of the magnetic field on the
rotation profiles around the transition by fully-compressible
convective dynamo simulations.

In this paper, we systematically study the effect of the mag-
netic field on rotating spherical shell convection and resultant
mean DR by comparing the MHD models with their hydro-
dynamics counterparts (HD models) in the broad range of the
initial rotation rate. The bistable nature of the rotation profile
is revisited under the influence of the magnetic field. A self-
consistent, fully-compressible Yin-Yang MHD code which
was developed in MYK13 and a stellar model consisting of
the convection zone and the radiative zone are used for the
simulation. The primary objective of this paper is to explore a
key parameter which controls the transition between the anti-
solar type and solar-type DR profiles and its dependence on
the magnetic field and the initial rotation profile (§3.1–3.3).
We cast a spotlight on two diagnostic parameters, i.e., the
“Rossby number" and the “convective Rossby number" (see
§2 for the definitions). The magnetic dynamo activity in the
MHD models with the different rotation rates is also studied
in §3.4. After discussing the relation between the magnetic
dynamo activity and the convection properties in §4, we sum-
marize our findings in §5.

2. SIMULATION SETUP

The simulation setup is almost the same as the model A
of MYK13. We numerically solve a MHD convection sys-
tem in a spherical shell domain defined by (0.6R  r  R),
(0  ✓  ⇡), and (-⇡  � < ⇡), where r, ✓, and � are ra-
dius, colatitude, and longitude, respectively. Our model con-
sists of two-layers, which qualitatively resemble the solar in-
terior: stably stratified layer of thickness 0.1R in the range
(0.6R  r  0.7R) and surrounding convective envelope of
thickness 0.3R in (0.7R  r  R).

The basic equations are the fully-compressible MHD equa-
tions in the rotating frame with a constant angular velocity
⌦ = ⌦0ez

which is parallel to the coordinate axis (✓ = 0):
@⇢

@t

= -r ·f , (1)
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Here the mass density ⇢, pressure p, mass flux f = ⇢v, mag-
netic field’s vector potential A are the basic variables. g0 is
the gravitational acceleration, assumed to be constant. We as-
sume an ideal gas law p = (� - 1)⇢✏

i

with � = 5/3, where ✏
i

is the internal energy. The viscosity, electrical resistivity, and
thermal conductivity are represented by ⌫, ⌘, and  respec-
tively.

The initial condition is a hydrostatic equilibrium which is
described by a polytropic temperature distribution with the
polytropic index m

dT

dr

=
-g0/r

2

cv(� - 1)(m + 1)
, (5)

where cv is the specific heat at constant volume. We choose
m = 1 and 3 for the upper convective envelope and the lower
stable layer, respectively. The thermal conductivity  is de-
termined by requiring a constant luminosity, L, defined by
L ⌘ -4⇡r

2
dT/dr, throughout the domain.

Non-dimensional quantities are defined by setting R = g0 =
⇢0 = µ0 = 1 where ⇢0 is the initial density at r = 0.6R. The
units of length, time, velocity, density, and magnetic field are
R,

p
R/g0,

p
g0R, ⇢0 and

p
g0Rµ0⇢0, respectively. The defini-

tions of the Prandtl, magnetic Prandtl, and Rayleigh numbers
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where � ⌘ 
m

/(c
p

⇢
m

) is the thermal diffusivity measured at
the middle of the convection zone (r = r

m

), and d = 0.3R is
the thickness of the convective envelope. The stratification is
controlled by a normalized pressure scale height at the surface
⇠0 ⌘ c

v

(� - 1)T
s

/(g0/R), where T

s

is the temperature at r =
R. Here we use in all the models ⇠0 = 0.3, yielding a small
density contrast between top and bottom boundaries about 3
(see Figure 1 in MYK13). This is a major difference between
our model and actual Sun.

In this paper, we focus on the two physical non-dimensional
quantities, one is the “Rossby number" (ratio of inertia to
Coriolis forces) and the other is the “convective Rossby num-
ber" (ratio of buoyancy to Coriolis forces) (e.g., Gilman 1977;
Gastine et al. 2014) which are given by

Ro = Co-1 =
vrmskl

2⌦0
, Roconv =

✓
Ra

PrTa

◆1/2

, (7)

respectively, where k

l

= 2⇡/d is the wavenumber of the largest
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非相対論的MHD方程式	

一見すると単純・簡単.	では、何が難しい？

(f	=	ρv)



✴太陽内部MHDを解く難しさ：
①強い密度成層	-	対流層の底から表面まで密度差8桁（密度勾配は表面に集中）	
②サブソニック・マルチスケールの流れ（CFL条件の制約）

平均場モデルから3次元MHDシミュレーションへ
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no net Poynting flux through the shell (Fm ¼ 0 at the top and
bottom boundaries). The effect of closed as opposed to open
boundary conditions seems to be that in the former the magnetic
energy amplification is more efficient, with potentially a lower
dynamo threshold. But since in the solar case such magnetic
energy ‘‘leakage’’ exists both at the bottom via, for example,
turbulent pumping (Tobias et al. 2001) and at the photosphere
via, for example, magnetic eruptions, we consider that our
choice of boundary conditions is reasonable for the solar dy-
namo problem.We further believe that openmagnetic boundary
conditions play a central role in regulating themagnetic dynamo
action in the convection zone, by providing an outlet for the
magnetic energy and also most likely for the magnetic helicity.

4. CONVECTIVE AND MAGNETIC STRUCTURES

4.1. Flow Patterns and Their Evvolution

The structure of the convection in simulation M3 is illus-
trated in Figure 4. The convective patterns are qualitatively

similar to the hydrodynamic case H, which can be seen by
comparing the radial velocity field in the top left panel of
Figure 4 to that shown in Figure 1. Cases M1 and M2 also
exhibit similar patterns because the magnetic fields in these
simulations never grow strong enough to exert a substantial
influence on the global flow structure. However, Lorentz forces
in localized regions of case M3 do have a noticeable dynamical
effect, particularly with regard to the evolution of strong
downflow lanes where magnetic tension forces can inhibit
vorticity generation.

The horizontal structure of the radial and longitudinal
magnetic field is also shown in Figure 4. Many of the main
features are qualitatively similar to simulations of turbulent,
compressible magnetoconvection in Cartesian geometries
(Cattaneo 1999; Stein & Nordlund 2000; Tobias et al. 2001).
The magnetic field generally has a finer and more intricate
structure than the velocity field because of the smaller diffusion
(Prm ¼ !=" ¼ 4 in this simulation) and also the nature of the
advection terms in the induction equation, which are similar in

Fig. 4.—Global views at one instant in time of the radial velocity component (top panels) and the radial and longitudinal magnetic field components (middle and
bottom panels) in case M3 near the top (left panels) and middle (right panels) of the computational domain. Dark tones in turn represent downflow, inward, and
westward fields, with the ranges for each color table indicated. The color table is as in Fig. 1.
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local-area helioseismology (e.g., Haber et al. 2002). Here we
discuss the mean flows achieved in our simulations and compare
them with solar observations and previous numerical models.

5.1. Attributes of Mean Flows

With fairly strong magnetic fields sustained within the bulk
of the convection zone in case M3, it is to be expected that
the differential rotation ! will respond to the feedback from
the Lorentz forces. Figure 9a shows the time-averaged angu-
lar velocity achieved in case M3, which exhibits a prograde
equatorial rotation with a monotonic decrease in angular ve-
locity toward higher latitudes as in the Sun. The main effect of
the Lorentz forces is to extract energy from the differential
rotation. The kinetic energy contained in the differential rota-
tion drops by a factor of 2 after the addition of magnetic fields,
and this decrease accounts for over 70% of the total kinetic
energy difference (see x 3.2). This is reflected by a 30% de-
crease in the angular velocity contrast"! between the equator
and latitudes of 60!, going from 140 nHz (or 34% compared
to the reference frame !0) in the hydrodynamic case H to
100 nHz (or 24%) in case M3. This value is close to the contrast
of 22% inferred from helioseismic inversion of the solar profile
(Thompson et al. 2003). Thus, the convection is still able to
maintain an almost solar-like angular velocity contrast despite
the inhibiting influence of Lorentz forces.

Eddy et al. (1976) have deduced from a careful study of solar
activity records during the Maunder minima that the Sun was
rotating about 3%–4% faster in the equatorial region during
that period than it does at present and that the angular velocity
contrast between the equator and latitudes of 20! may have
been as much as a factor of 3 larger. The somewhat faster
rotation rate and larger "! in case H (and M2) relative to case
M3 further suggest that a reduced level of the Sun’s magnetism
may lead to greater differential rotation (Brun 2004).

In Figure 9cwe display the meridional circulation realized in
case M3. This meridional circulation is maintained by buoy-
ancy forces, Reynolds stresses, pressure gradients, Maxwell
stresses, and Coriolis forces acting on the differential rotation.
Since these relatively large forces nearly cancel one another,
the circulation can be thought of as a small departure from
(magneto)geostrophic balance, and the presence of a magnetic
field can clearly influence its subtle maintenance. In case M3,
the meridional circulation exhibits a multicell structure in both
latitude and radius and possesses some asymmetry with respect
to the equator. In particular, two vertical cells are present at
low latitudes in the northern hemisphere, whereas only one
is present in the southern hemisphere. Since the convection
possesses some asymmetry (cf. Fig. 4), it is not surprising that
the meridional circulation does the same.
Given the competing processes for its origin, this weak flow

is not straightforward to predict. Typical amplitudes for the
velocity are of order 25 m s"1, comparable to local helio-
seismic deductions (Haber et al. 2002). The flow near the outer
boundary is directed poleward at low latitudes, with return flow
deeper down. The temporal fluctuations in the meridional cir-
culation are large and thus stable time averages are only
attained by frequent sampling over many rotation periods. The
kinetic energy contained in the meridional circulation (MCKE)
is about 2 orders of magnitude smaller than that contained in
the differential rotation and convective motions and is more
than an order of magnitude less than the total magnetic energy
(ME; see Table 2). As a result, small fluctuations in the con-
vective motions, differential rotation, and Lorentz forces can
lead to major variations in the circulation. Some of the helio-
seismic inferences suggest the presence of single-cell circu-
lations, which are at odds with our multicell patterns. However,
these inferences vary from year to year and there is recent ev-
idence that multicell structure and equatorial asymmetries are

Fig. 9.—(a, b) Angular velocity profile in case M3 averaged over longitude and time (spanning an interval of 150 days late in the simulation). White/red and blue/
green tones in (a) denote faster and slower rotation, respectively. Radial profiles are plotted in (b) for selected latitudes. (c) Meridional circulation in case M3 averaged
over longitude and time, represented as streamlines of the mass flux. Solid contours denote clockwise circulation and dashed contours counterclockwise circulation.
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Fig. 2.—Toroidal magnetic fields realized in the convective envelope and underlying radiative region. Mollweide projections at one instant of longitudinal field
on a spherical surface at (a) middepth in the convection zone ( ) and (b) in the stable zone ( ). (c) Contours in radius and latitude ofB r p 0.84 R r p 0.67 Rf , ,

averaged in time (over an interval of 220 days) and in longitude. Field strengths are in units of gauss.Bf

Fig. 3.—Temporal evolution and spatial distribution of axisymmetric toroidal
magnetic fields. Variation with radius and time of at a latitude of !30!, withBf

tall peaks corresponding to large positive amplitudes. The strongest fields are
realized in the stable region ( ), where the polarity of the fields isr/R ! 0.73,

also remarkably stable over the 2500 days sampled here.

amplified, with strong fluctuating magnetic fields (∼3000 G
rms) and weaker mean toroidal and poloidal fields (of time-
averaged strengths ≤300 G) achieved within the bulk of the
convection zone. Over the 2800 simulated days (about 100
rotation periods) studied after the field strengths have largely
equilibrated, the dynamo action is persistent, with overall mag-
netic energy sustained at about 40% of the convective kinetic
energy. Figure 2a shows a snapshot of the longitudinal field
at middepth ( ), revealing complex structure onB r p 0.84 Rf ,

many scales, with no evident polarity preferences. The radial
and latitudinal fields and also possess intricate and highlyB Br v

variable structures, tracing the convective flow realized in the
bulk of the convection zone. In the underlying stable region
(at ), Figure 2b shows that the magnetic field hasr p 0.67 R,

been decidedly organized by the rotational shear, with the lon-
gitudinal field there stretched into large toroidal structures that
extend around much of the domain. Equally striking is that
fields show antisymmetric parity in the stable region, withBf

opposite signs to those in the northern and southern hemi-
spheres. The organized nature of strong toroidal fields in the
stable region is confirmed in Figure 2c showing the time-
averaged axisymmetric . Here the opposite polarities of theBf

mean toroidal fields are evident in the two hemispheres, as
contrasted to the weak and patchy mixed-polarity structures
within the convection zone. The time-averaged axisymmetric
fields in the stable region attain strengths of order 3000 G, or

about 10 times stronger than the mean in the convectionBf

zone. Whereas fluctuating (nonaxisymmetric) fields dominate
in the convection zone, the magnetic energy in the mean to-
roidal field is about 3 times larger than the fluctuating magnetic
energy within the tachocline. The strong toroidal field estab-
lished in the stable region is accompanied by a largely dipolar
poloidal field.
Neither the organization of the magnetic field below the con-

vection zone into predominantly axisymmetric toroidal fields, nor
the strong parity selection exhibited here, appear to be transient
effects. These attributes arose rather quickly (∼200 days) after the
introduction of the forced tachocline and have persisted for as long
as we have continued the calculations. A sense of the evolution
and spatial distribution of the mean fields in our simulation is
provided by Figure 3, which shows the radial and temporal var-
iations of the axisymmetric toroidal field sampled at latitudeBf

!30!. The strongest toroidal fields there are clearly attained in the
stable region ( ), with some modulations in amplituder/R ! 0.73,

but no changes in polarity. Within the convection zone, both the
strength and polarity of the weaker toroidal field aremore variable.
Further investigation reveals that the axisymmetric dipole field in
both the convection zone and the stable region has not changed
its overall polarity during the course of our simulation. This is in
sharp contrast to the evolution of the mean dipole component in
BMT04, which considered the convection zone in isolation, where
the dipole flipped at irregular intervals of less than 600 days. This
suggests that the presence of a reservoir of strong toroidal fields
with persistent polarity in the stable region is serving to stabilize
the mean poloidal field realized in the convection zone.

4. BUILDING STRONG TOROIDAL FIELDS

The predominantly axisymmetric nature of the magnetic
fields in the stable region may be understood in two comple-
mentary ways. First, the lack of significant nonaxisymmetric
motions there precludes the generation of strong fluctuating
fields like those realized in the convection zone. Thus, non-
axisymmetric (fluctuating) fields must either diffuse in from
the convection zone or be transported downward by over-
shooting motions. Second, Spruit (1999) has argued that any
such fluctuating fields will, in the presence of well-defined
angular velocity gradients, be quickly expelled from the system
through reconnection between neighboring magnetic surfaces.
He estimates that this process acts on a timescale t ∼Q

, with q a measure of the rotational shear. In2 2 2 2 1/3(3r p /hQ q )
the Sun, this estimate yields timescales of order 100 years, but
in our far more diffusive simulation, is about a year. Thus,tQ
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Fig. 1.—(a) Global view (in Mollweide projection) at one instant of radial
velocity on a spherical surface at middepth ( ) in the convectionv r p 0.84 R,r
zone, with upflows bright and downflows dark. Equator is shown as a dashed
line. Angular velocity Q averaged in time and in longitude, showing (b) con-
tours in radius and latitude and (c) variation with proportional radius along
specified latitudinal cuts.

dynamo paradigm. The detailed structure of the tachocline may
be determined variously by anisotropic turbulent mixing pro-
cesses, magnetic stresses, and production of internal gravity
waves; the equilibration times likewise continue to engender
debate (see review by Miesch 2005). Despite uncertainties, a
tachocline of rotational shear is crucial to element (c), and thus
we seek to impose one here in two complementary ways. First,
we introduce a drag force on the axisymmetric velocities (rel-
ative to our rotational frame) to force them to vanish at the
base of the computational domain. We accomplish this
smoothly with a hyperbolic tangent (of width 0.01 centeredR,

at 0.66 in the stable layer) so that motions within the bulkR,

of the convective envelope are unimpeded. Without this forc-
ing, the differential rotation established self-consistently within
the convection zone would imprint itself on the radiative zone
through viscous and thermal diffusion. Second, we impose
within the overshooting region a weak latitudinal entropy var-
iation to emulate the coupling between the convective envelope
and the radiative interior through thermal wind balance within
the solar tachocline. This is achieved by thermal forcing, in-
volving a monotonic increase in temperature of about 6 K from
equator to pole at the base of convection zone (over a width
of 0.02 ), much as discussed byMiesch et al. (2006, hereafterR,

MBT06). The thermal forcing aids in achieving a strong lati-
tudinal differential rotation within the convection zone, which
otherwise would be diminished by coupling to the radiative
interior. This coupling is much stronger in our simulations than

in the Sun because the viscous and thermal diffusivities are far
larger and the overshoot region is wider.
The domain boundaries are assumed to be impenetrable and

free of viscous stresses. The lower boundary is assumed to be
a perfect conductor and the radial entropy gradient is fixed
there. At the upper boundary the magnetic field within the
domain is matched to an external potential field and the entropy
is fixed. The simulations were initiated by adding a weak seed
field to a progenitor penetrative hydrodynamic simulation. The
seed field was toroidal and confined to the bulk of the con-
vection zone. For the present model, we employ a horizontal
resolution of , , and a stacked ChebyshevN p 512 N p 1024v f

expansion in the radial dimension with . The effectiveN p 98r
SGS viscosity n is equal to cm2 s at the top of the12 !16# 10
domain and decreases with depth as , where is the mean!1/2¯ ¯r r
density varying by a factor of 46 across the domain. The ther-
mal (k) and magnetic (h) SGS diffusivities have a similar pro-
file, with fixed Prandtl and magnetic Prandtl numbers of

and , respectively. The largePr p n/k p 0.25 Pm p n/h p 8
Pm here reflects unresolved turbulent mixing processes, and
such a value allows efficient dynamo action with tractable nu-
merical resolution. In the Sun, Pm based on microscopic pro-
cesses is much smaller, but the relationship between it and the
effective turbulent diffusivities is uncertain. At small Pm, the
critical magnetic Reynolds number needed for dynamo action
increases considerably (Boldyrev & Cattaneo 2004; Scheko-
chihin et al. 2005), rendering simulations much more com-
putationally demanding. The field strengths reported here are
likely sensitive to the Pm chosen.

3. DYNAMO ACTION YIELDING ORGANIZED MAGNETIC FIELDS

The convective flows in the simulation are intricate and
highly time-dependent. Fairly broad, low-amplitude upflows
coexist with fast, concentrated downflows, which are charac-
teristic of turbulent compressible convection (e.g., Brun &
Toomre 2002; BMT04; Brummell et al. 2002). Some downflow
lanes persist as coherent structures for extended intervals. The
flows are sampled in Figure 1a, which shows a global mapping
of the radial velocity on a spherical surface within the con-vr
vection zone (at ). Most of the downflow plumesr p 0.84 R,

visible there extend downward and overshoot into the under-
lying radiative region, where they are buoyantly braked.
Strong differential rotation is established by the convection.

Figure 1b shows the mean angular velocity Q as a contour plot
in radius and latitude, and Figure 1c shows its variation with
radius along selected latitudinal cuts. Within the bulk of the
convection zone, there is a prominent decrease in Q from equa-
tor to pole. Near the upper boundary, the angular velocity con-
trast (between equator and 60!) is 55 nHz, or 13% of theDQ
frame rotation rate. In comparison to MBT06 that had no pen-
etrative region, the here is reduced and Q is more constantDQ
on cylinders aligned with the rotation axis. Below the base of
the convection zone (at 0.73 ) where the stratification is sub-R,

adiabatic, Q adjusts rapidly to uniform rotation within a pro-
nounced tachocline of shear. The overall fast equator and slow
pole behavior is in keeping with the Q profiles deduced from
helioseismology (e.g., Thompson et al. 2003), but this model
possesses more radial shear within the bulk of the convection
zone than in the Sun. We have clearly realized a tachocline of
strong radial and latitudinal shear, which plays a major role in
the organization of large-scale magnetic fields.
Prominent magnetic dynamo action is achieved within this

simulation. Much as in BMT04, the seed fields are rapidly

inside the domain, the same flux of opposite polarity must also
pass through the southern hemisphere. A positive value indi-
cates that the field is outward on average in the northern
hemisphere, as in the dipolar initial conditions. By contrast, a
negative value indicates that the average polarity is opposite to
that imposed in the initial conditions.

The flat evolution over the first 800 days corresponds to the
linear growth phase of the magnetic energy, where the field
evolves slowly away from its imposed initial dipolar topology
and north-south orientation. As the fields with negative po-
larity gain in strength, a complex competition between the two
polarities, directly related to the turbulent nature of the dy-
namo, leads to a chaotic and irregular variation of the average
polarity. Several field reversals do occur on a timescale of
about 500 days, but there is little evidence for systematic cyclic
behavior. This timescale is comparable to the 1.5 yr periods
found by Gilman (1983) in some of his Boussinesq dynamo
simulations. Glatzmaier (1985a, 1987) inferred longer reversal
timescales (!10 yr) in his simulations that incorporated com-
pressibility via the anelastic approximation as here and in-
cluded convective penetration into an underlying stable region.
Like Glatzmaier’s, our simulations only cover about 10 yr so
they would not capture longer term cyclic behavior if it were
present. However, the chaotic short-term evolution suggests
that longer term periodic behavior is unlikely for the config-
uration that we have adopted here.

Our high-resolution simulations confirm that the timescale
for field reversal within the convective envelope itself is too
short and that without a stable layer such as the solar tachocline
such simulations are unlikely to reproduce the global-scale
dynamo and 22 yr activity cycle observed in the Sun. There is
no systematic latitudinal propagation of hBpi over the 4000
days that we have been able to compute. Rather, the temporal
evolution of hBpi is quite complex and highly unpredictable,
governed by advection and amplification by turbulent con-
vective motions. Both Gilman and Glatzmaier found poleward
propagation of hBpi. The main difference between their con-
vective dynamo simulations and ours comes from the level of
turbulence and nonaxisymmetry. In case M3, the axisymmetric

fields are weak and do not control the dynamical evolution of
the flow and magnetic fields but seem, on the contrary, passive,
which could in part explain their erratic evolution. The mean
poloidal field is generated mainly by the coupling between
fluctuating field and flow components, and the generation rate
is not in general proportional to the strength of the mean field
as is assumed in the classical ! -effect.

6.2. Toroidal Fields

Figure 12 shows the mean toroidal magnetic field hBti for
the same time snapshots as displayed in Figure 11. We can
readily see that it possesses small-scale structure that varies
substantially with time. Mixed polarities and intricate topolo-
gies are present throughout the simulation domain, with no
evident symmetries with respect to the equator. Instantaneous
snapshots or time averages reveal weak responses with varying
symmetries, but these do not persist for any extended interval.
Structures resembling thin tubes with circular cross sections
are present, but they generally do not remain coherent long
enough to rise and emerge through the surface as a result of
magnetic buoyancy. No systematic latitudinal propagation of
hBti is evident in this time sequence or in any that we have
studied. This is in contrast with solar observations that reveal
regular trends in the emergence of sunspots and related mag-
netic flux over the 22 yr activity cycle.
The mean toroidal field contains about 1.5% of the total

magnetic energy, about a factor of 3 larger than the energy in
the mean poloidal field. The production terms in the mean
induction equation due to differential rotation (the !-effect) and
convective motions (the ! -effect) are of the same order so our
simulations may be loosely classified as !2-! dynamos.
In the Sun the ratio of mean toroidal to poloidal magnetic

energy is at least 100, suggesting that the Sun may not be
generating its mean toroidal field solely in the convective
zone. Glatzmaier (1984, 1985a, 1985b, 1987) incorporated
convective penetration into an underlying stable layer in his
dynamo simulations and found that hBti was a significant
fraction (!85%) of the total magnetic energy. This result sug-
gests that strong axisymmetric toroidal fields are generated

Fig. 12.—Evolution of the mean toroidal field for case M3, as a companion to Fig. 11. Red and blue tones denote eastward (prograde) and westward (retrograde)
field, respectively, as indicated by the color table.
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Brun	et	al.	(2004) Browning	et	al.	(2006)太陽を精密模擬したモデル

-	精密な太陽内部構造
-	精密な太陽定数
(対流層へのエネルギー流入)

①Brun	et	al.	(2004)：左

(r	<	0.9Rsunまで)

・対流層のみ
→	乱流磁場が支配

②Browning	et	al.	(2006)：右
・対流層+tachocline
→	tachoclineに強い	
　大局磁場（定常）
（対流層は乱流磁場）

・対流層は乱流磁場が支配		
　(大局的磁場は生成されない)
・tachoclineに大局磁場		
　(周期反転は示さない)

BL型磁束輸送モデル
整合的



Ghizaru+’10

✴Ghizaru	et	al.	(2010)		
						(c.f.,	Racine	et	al.	2011)

・赤道向きのマイグレーション

従来のBL型磁束輸送モデル		
(前提仮説：対流は磁場を壊す)

(c.f.,	Racine+'	11;	Lawson+'15)

グローバルダイナモ計算	-	2010年代の転回	-	

準周期的極性反転をともなう	
大局的磁場の生成に初成功

（※従前のモデルとの違いは後述）

不整合

Ghizaru	et	al.	(2010)以降	
次々と同様の結果が出だした

・tachoclineに加えて	
　対流層に大局的磁場
・約30年周期の極性反転
・磁場の中緯度域への集中



準周期的な極性反転をともなう大局的磁場の定性的再現
✴2010年以降の5年で、太陽ダイナモの数値モデリング研究は大きく進展

太陽蝶形図を想起させる大局的磁場時空間進化の定性的再現
( ≠ ゼロ年代：Brun et al. 2004, Browning et al. 2006)



様々なグループが様々なコードで様々な『太陽』を生み出している.どれが本物？
✴共通点①：kG程度のコヒーレントなBφ磁場 [~ O (0.1 × 等分配)]

太陽型モデルの共通点①コヒーレントなBφ磁場

tachoclineの存在に依ら	
ず大局的磁場はできる

※重要ポイント



✴共通点②：太陽型回転分布

太陽型モデルの共通点②太陽型回転分布：赤道加速

日震学 
(観測)

太陽回転との違い 
= 等角速度線分布

・シミュレーション 
　→ 円柱状分布 
（Taylor-Proudmann分布)

・現実の太陽 
　→ 円錐状分布

※今回は回転分布に 
   ついては割愛するが 
   非常に面白い物理がある

(Masada 2011)

✴共通点③： 
   マルチセルの循環流

(赤道加速プロファイル)



Ro_sim < Ro_sun (Co_sim   >   Co_sun)

where　Ro = 1/Co ~ Vr /2rΩ

太陽内部の従来の推定値より小さいRossby数を使用 (対流速度を遅くする計算設定)

→ より回転が支配的な系 (それでも惑星ダイナモと比べるとRoは遥かに大)

✴「ゼロ年代の太陽ダイナモ計算」とはいずれも若干計算設定が異なる：

なぜゼロ年代とは異なる結果が得られ始めたのか？

・解像度を上げる
・底から流入する熱エネルギーを太陽定数より若干減らす
・回転を現実の太陽よりも若干速くする (3倍とか5倍とか ~ 昔の太陽)

・乱流粘性の効果を加える (LES: Large-eddy simulation)

◾ そのような系の実現方法：

対流速度には不定性が大きい 
(シミュレーションで正しく捉えられているか不明)

◾ その背景：

標準ダイナモモデル		
(前提仮説：対流は磁場を壊す)

不整合
tachoclineの存在に依らず	
大局的磁場は生成される

準周期的極性反転をともなう	
大局磁場の種は対流層にある

✴全モデルの総括 ✴共通理解



回転球殻ダイナモの性質	~	ロスビー数依存性~
– 20 –

(a)MR030 (b)MR035 (c)MR040

(d)HR040 (e)HR045 (f)HR050

0.7 1.8 0.9 1.45 0.9 1.4

0.94 1.05 0.96 1.04 0.94 1.06

Fig. 2.— Time-averaged mean angular velocity ⌦̄(r, ✓). The panels (a)–(c) correspond to the MHD models
with ⌦

0

= 0.3, 0.35 and 0.4, and the panels (d)–(f) are for the HD models with ⌦
0

= 0.4, 0.45 and 0.5.
The white solid line denotes the iso-rotation contour. The black dashed line denotes the interface between
convective and radiative zones.

回転分布：反太陽型→太陽型

✴ 回転球殻系における 
　対流・ダイナモのRo依存性

・Roが減少するにつれて

– 21 –

Fig. 3.— Time-averaged mean meridional flows. Panels (a)–(c) correspond to the MHD models (MR030,
MR035, MR040) and panels (d)–(f) are the HD models (HR040, HR045, HR050). The color contour depicts
the meridional flow velocity, defined by vm = [v̄2r + v̄

2

✓ ]
1/2 normalized by v

rms

of each model. The streamlines
are overplotted with a length proportional to the flow speed. The white dashed line denotes the interface
between convection and radiative zones.
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anti-solar

solar solar

anti-solar

Fig. 6.— DR parameters (↵e) of the models with non-rigid initial rotations as functions of (a) the convective
Rossby number (Ro

conv

) and (b) the Rossby number (Ro). The models MS, MA, HS and HA are denoted
by cyan triangles, green circles, pink crosses and orange squares, respectively in both panels. The horizontal
and vertical dashed lines indicate (a) ↵e = 0 & Ro

conv

= 1 and (b) ↵e = 0 and Ro = 1. The DR parameters
of the basic runs (MR and HR) are shown by blue crosses and red diamonds as references.

 (Mabuchi, Masada & Kageyama 2015)

子午面環流：シングルセル  
                           → マルチセル

回転分布

子午面流分布
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(a)MR00625 (b)MR025 (c)MR030

(d)MR050 (e)MR060 (f)MR150
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Fig. 11.— Time and azimuthally-averaged kinetic helicity H(r, ✓) for the models MR00625, 025, 030, 050,
060, and 150, respectively. The red and blue tones denote the positive and negative helicity. The black
dotted-line corresponds to the equator. The dashed curve denotes the interface between the convection and
radiative zones. The upper three models have the anti-solar type DR and the lower three models have the
solar-type DR.
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Fig. 11.— Time and azimuthally-averaged kinetic helicity H(r, ✓) for the models MR00625, 025, 030, 050,
060, and 150, respectively. The red and blue tones denote the positive and negative helicity. The black
dotted-line corresponds to the equator. The dashed curve denotes the interface between the convection and
radiative zones. The upper three models have the anti-solar type DR and the lower three models have the
solar-type DR.
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060, and 150, respectively. The red and blue tones denote the positive and negative helicity. The black
dotted-line corresponds to the equator. The dashed curve denotes the interface between the convection and
radiative zones. The upper three models have the anti-solar type DR and the lower three models have the
solar-type DR.

４．４ MHDダイナモ機構のロスビー数依存性
４．４．１ 差動回転分布とダイナモへのロスビー数の影響
ロスビー数は慣性力とコリオリ力の比である．よって，

ロスビー数が小さな系ほど流体運動の自転軸への束縛が強

くなり対流の非等方性が強くなる．運動学的ヘリシティ

（以降ではヘリシティに簡略）や乱流レイノルズ応力は流

れの非等方性に起因するため，回転球殻熱対流系の差動回

転分布やダイナモはロスビー数に依存すると期待される．

以下では，筆者らの回転球殻MHD熱対流計算の成果を

紹介する［４０］．太陽内部を模擬した対流層と放射層からな

るモデル（ただし現実の太陽と比べて弱い密度成層を仮

定）で，系の自転角速度（!）をパラメータに，差動回転分
布とダイナモのロスビー数依存性を調べた研究である．

まず，系の差動回転分布を見ていこう．差動回転の度合

いのロスビー数依存性を示したのが図６（a）である．ここ
では差動回転の度合い（!"!）を以下のように定義している："!"!#"!#$#"!$ （２）

ここで!#"!#は赤道面での平均流の方位角成分である．"!
が正の時，回転分布は赤道加速型（太陽型）であり，負の

時は赤道減速型（反太陽型）である．図の点線から上が太

陽型回転分布をもつモデル，下が反太陽型回転分布をもつ

モデルに対応する．太陽型，反太陽型回転分布をもつ典型

的なモデルの子午面角速度分布を図６（b）と６（c）に示す
（黒が高速，白が低速回転を表す）．それぞれ$%%&%'（６b）
と$%%'（６c）に対応するモデルである．図６（b）の白の実
線，図６（c）の黒の実線が等角速度線を表す．
図６（a）より$%&(で差動回転分布が太陽型（$%! 1）か
ら反太陽型（$%" 1）に遷移することがわかる．差動回転
分布を決めているのは，乱流レイノルズ応力による角運動

量輸送（赤道向き）と，子午面流（平均流）による角運動

量輸送（極向き）である．前者が支配的な系では太陽型回

転分布になり，後者が支配的な系では反太陽型になる．大

雑把にはこれら２つの角運動量輸送過程の強弱が逆転する

のが，臨界値（$%&(）付近であると考えればよい．
興味深いのは，臨界値近傍が最も強い差動回転を与える

点である．これは回転軸に垂直な方向（円柱座標の動径方

向）への実効的な角運動量輸送が$%&(で最大になるため
だと考えられる（つまり，$%'(のレジームでは流体運動

が回転軸に強く束縛されるため回転軸に沿った方向にしか

角運動量は分配されない．一方，$%((のレジームでは対
流の非等方性が弱いため角運動量輸送効率も低い）．

次に，ロスビー数の違いがダイナモに及ぼす影響を見て

いこう．代表的な３つのモデルの対流層上部における##
成分の方位角平均量の時間‐緯度図を図７に示す．（a）が反
太陽型回転分布をもつモデル（Model A），（b）と（c）が太

陽型回転分布をもつモデル（Model BとC）に対応する（両

者のロスビー数には違いがあり，Model B は$%"&%')，
Model Cは$%"&%(である）．白が正極性，黒が負極性の磁
場を表す．

磁場の時空間構造にはロスビー数の違いが顕著に現れ

る．反太陽型回転分布をもつModel A では，時間準定常な

大局的磁場が形成される．一方，太陽型回転分布をもつモ

デル（Model BとC）では，極性反転をともなう大局的磁場

が形成される．太陽型回転分布をもつ２つのモデルを比較

すると，ロスビー数が小さいほど磁場の極性反転に顕著な

周期性が現れ，磁場強度も大きくなっていることがわか

る．高々数倍の違いだが，$%が 0.35（Model B）から 0.1
（Model C）に減少するだけで，磁場は顕著な時空間コヒー

レンスを示すようになるのである．

この結果は，前節で示した他のグループの最近のMHD

ダイナモの研究成果［３５‐３８］（現実の太陽で想定されるより

若干小さなロスビー数の系を実現することで，極性反転を

ともなう大局的磁場が形成される）と整合的である．では，

ダイナモ生成磁場の性質は，なぜロスビー数に依存して変

化するのだろうか？次節では，時空間コヒーレンスの高い

磁場が生成される条件について考察する．

４．４．２ 鍵は差動回転の強さか？ヘリシティの大きさか？!効果や乱流"効果などのよく知られたダイナモ効果を
想定すると，「差動回転（"!効果の強さの指標）が強く，
かつヘリシティ（＝乱流"効果の強さの指標）が大きなモ

図７ B#の方位角平均量の時間‐緯度進化図（対流層上部）．（a）
が反太陽型回転分布をもつModel A，（b）が臨界ロスビー
数近傍の太陽型回転分布をもつModel B，（c）が臨界値よ
りも一桁小さなロスビー数の太陽型回転分布をもつModel
Cの時間‐緯度進化図である．白が正極性，黒が負極性の磁
場を表す．

図６ （a）差動回転パラメータ"eのロスビー数依存性．（b）は Ro
が小さいレジームで実現される太陽型の差動回転分布．
（c）は Roが大きいレジームで実現される反太陽型の差動回
転分布．色は黒が高速回転，白が低速回転を表す．

Lecture Note 4. Solar Dynamo Modeling - Current Status and Future Perspective‐ Y. Masada

６８７

ダイナモ： 定常 → 周期反転 
                  磁場強度上昇

・ヘリシティや差動回転の強さ

✴ 回転球殻系における 
　対流・ダイナモのRo依存性

・Roが減少するにつれて
 (Mabuchi, Masada & Kageyama 2015)
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Fig. 10.— Mean helicity defined by H
ave

⌘ (|H
N

|+ |H
S

|)/2 (red circles) and ratio ✏M/✏K (blue diamonds)
as a function of the Rossby number (Ro) for the basic MHD runs.

回転球殻ダイナモの性質	~	ロスビー数依存性~

・ヘリシティ(~α効果)の勾配が重要？

→ 磁場の周期性の発現や 
　 強度とは強い相関が無い

・ダイナモ機構は未決着. 対流層が鍵. 

(c)(b)(a)



現状に関するまとめと未解決問題

✴太陽磁場の3つの特徴：
①大局性
②収束性（集中性）
③周期性

：黒点のスケール		≫	対流スケール
：局在化

：11年周期	(or	22年周期)

・乱流に支配された対流層で周期性を持つ	
　大局的磁場を生み出す物理を理解する
・磁束の集中（~黒点）の物理機構は何か？

✴未解決問題：
この解決が我々の課題	⇦		

(以降はその解決のための	
		我々の取り組み)

※収束性について
・太陽ダイナモ計算で出現するのは大局的	
　だが``diffuse”な		(バラバラ・拡がった)	磁場
・どんな機構が磁場を収束させるのか？	
　どこで磁場は収束するのか？

◉現状まとめ：
-	MHDダイナモ計算で周期的極性反転をともなう太陽型の磁場
-	様々な点で標準シナリオとは異なる		→		標準シナリオ再考へ



我々の取り組み
~	大局的磁場の生成から表面構造の形成まで	~

Masada	&	Sano	2016	
(submitted	to	ApJL)

The	hirst	successful	simulation	of	surface	
magnetic	structure	formation	from	
dynamo-generated	magnetic	hield



ボックス計算による対流ダイナモ機構の研究

✴利点と欠点：	
		-	比較的良い解像度で長時間計算が可能		
		-	差動回転や子午面流が無いので対流の物理の理解が容易	
		-	現実の太陽に直接言及するのは難しい	(推測しかできない)

Nordlund+’96

Masada	&	Sano	14a,b	
Masada	&	Sano	16	submitted

✴対流ダイナモをボックス型モデル（semi-global）で調べる
必要最小限のモデルで太陽磁場の性質をどこまで理解できるか？



①弱密度成層下での対流ダイナモとその理解
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⚫ 強密度成層モデル：対流層のみ
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    (0.7Rsun < r < 0.99Rsun：対流層のみ)

対流層の底



g Convection ZoneRadiative Zone

 Ro = vrms/2Ω0d  
       ~ 0.03 @対流層

Pr = 1.2,  
Pm = 4,  
Ra = 4×106

＊差動回転（Ω効果）は存在しない  
（∵ 水平対称性→水平方向の角運動量輸送無し）

Ω

(可視化しているのは動径速度)

＊上下非対称性を持つ対流構造（→ ヘリシティを持つ） 

弱い密度成層下での対流ダイナモとその物理機構

z (動
径

)y

x

xy方向を水平方向 
  z方向を垂直方向 
と以降呼んだりする

ρbottom /ρtop ~ 10
計算領域上下の密度比：

≪ 太陽対流層上下の密度比



η/η0=0.5

η/η0=1.0

η/η0=2.0

運動エネルギースペクトル

磁気エネルギースペクトル

● 激しい乱流が支配する対流層で大局的磁場が形成.

● 極性反転と動径方向へのマイグレーション.

● Bx & Byの間の位相のズレは π/2.

Masada & Sano (2014a)

without 
RZ

● ダイナモ機構は何か？ 

(see also Kapyla+13; Favier & Bushby 13)
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Fig. 2. Time-depth diagram of the horizontally-averaged horizontal magnetic field. Panels (a) and (b) [(c) and (d)]
demonstrate ⟨Bx⟩h and ⟨By⟩h normalized by Beq for the model A [model B]. The orange and blue tones denote the
positive and negative strengths of the magnetic field.

are adopted for both models. The total grid size is 256 (in x) ×256 (in y) × 64 (in z) for the model
A, and 256 (in x) ×256 (in y) × 128 (in z) for the model B. A small random perturbation is added to
the velocity and magnetic fields when the calculation starts.

3. Simulation Results

3.1. Properties of Convective Dynamo

After the convective motion sets in, the system reaches a saturated state at t≃ 250τcv for both
models. The mean convective velocity is evaluated there as ucv=0.017 (0.019), providing Beq=0.045

(0.045), Co = 47 (42) and τcv = 58.8 (52.6) for the model A (model B). Since a sufficient scale
separation between the convective eddies and the box scale is known as a necessary ingredient for the
large-scale dynamo (e.g., Brandenburg & Subramanian 2005; Käpylä et al. 2009), we have chosen
the relatively rapid rotation (Co >∼ 40), yielding small convective cells relative to the box scale.

Shown in Figure 1 is the distribution of the radial velocity in the horizontal plane at z = zm
when (a) t = 40τcv and (b) t = 400τcv for the model A [panels (d) and (e) are those for the model
B]. The darker and lighter tones depict downflow and upflow velocities. In Figure 1(c) and (f), the
temporal evolutions of two-dimensional kinetic energy spectra for the models A and B are shown.
Note that a two-dimensional Fourier spectrum of the kinetic energy at the each depth is projected
onto a one-dimensional wavenumber k2 = k2

x+ k2
y and then is averaged over the convection zone and

the time span shown in the figure legend. The different lines correspond to different time spans. The
horizontal axis is normalized by kc = 2π/W .

In the kinematic phase of the model A (left top), we can find the appearance of large-scale
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● 安定層の有無は大局的磁場の生成に影響しない. 

→ 激しい対流そのものが大局的ダイナモを担う.

さらに単純化 直接数値計算（DNS）と 
カップルさせた平均場モデル

(このような結果はゼロ年代には得られていなかった)

準周期的極性反転をともなう大局的磁場の生成
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Fig. 1.— (a) Model setup and surface visualization of vertical velocity uz at t = 400τcv for the reference
model. The red (blue) tone denotes downflow (upflow). (b) The vertical profiles of the effective helicity Heff

(solid) and the average velocity u2
rms (dashed). The time average spans in the range of 400 ! t/τcv ! 800.

The profiles are normalized by their maximum values.

DNSとカップルさせた平均場ダイナモモデル (Masada & Sano 2014b)

大局的磁場が乱流場に及ぼすローレンツ力の 
反跳効果 (非線形効果)も考慮 (クエンチング)

【乱流α効果】

【乱流パンピング】

【乱流磁気拡散】
(c.f.,	Ossendlijver	et	al.	2002)

Magnetic Dynamo Cycle in Rigidly-Rotating Turbulent Convection

Youhei MASADA1, AND Takayoshi SANO2

ABSTRACT

Subject headings: Convection – turbulence – Sun: magnetic fields – stars: magnetic fields

1. Introduction

ω =

[
∂α

∂z
+

(
γ − ∂ηeff

∂z

)
kz

]
(1)

+i

[
αkz −

∂γ

∂z
− ηeffk

2
z

]

ℑ(ω) > 0 ,

↔ Dmod ≡ αkz
∂γ
∂z + ηeffk2z

> 1 ,

Dlocal ≡
α

ηeffkz
> 1 , (2)

E = α⟨Bh⟩
+ γez × ⟨Bh⟩
− ηt∇× ⟨Bh⟩ ,

∂⟨Bh⟩
∂t

= ∇× [E − η0∇× ⟨Bh⟩] (3)

α(z) = −τcHeff ,

γ(z) = −τc∂z⟨⟨u2
z⟩⟩ ,

ηt(z) = τc⟨⟨u2
z⟩⟩ ,

1Liberal Arts and Sciences, Department of Physics and Astronomy, Aichi University of Education; Kariya, Aichi 448-8542,
Japan: E-mail: ymasada@auecc.aichi-edu.ac.jp

2Institute of Laser Engineering, Osaka University; Osaka 565-0871, Japan: E-mail: sano@ile.osaka-u.ac.jp

✴α,	γ,	ηtの分布をDNSと無矛盾に決める：

✴平均場ダイナモ方程式
Ω-effect is absent in our DNS

Spontaneous Formation of Surface Magnetic Structure

from Large-scale Dynamo in Strongly-stratified Convection

Youhei MASADA1, and Takayoshi SANO2

ABSTRACT

We report the first successful simulation of spontaneous formations of surface magnetic struc-
tures from a large-scale dynamo by strongly-stratified convections in Cartesian geometry. The
dynamo-generated large-scale magnetic field, which extends over whole the convection zone, or-
ganizes a quasi-steady structure of the horizontal magnetic flux with the maximum intensity at
the mid-part of the convection zone. Since the strong stratification yields a small density scale-
height in the upper convection zone, the dynamo-maintained magnetic flux becomes unstable to
the magnetic buoyancy instability there. As a result of buoyant emergences of unstable magnetic
loops, the surface magnetic structure is spontaneously formed. The active region rooted in a
relatively-shallow convection zone might be a natural consequence of the large-scale dynamo in
the strongly-stratified convection.

Subject headings: convection – magnetohydrodynamics (MHD) – Sun: magnetism –sunspots
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乱流α効果 乱流パンピング 乱流磁気拡散

乱流場の統計平均分布 
(DNSの結果から直接抽出)

with

〈・〉を水平・時間平均にとり, 乱流係数も平均場も 
系の深さ(z)と時間のみの関数とすると以下の1次元 
の平均場ダイナモ方程式に帰着する：

where
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angular velocity of Ω0 = 0.4, and the spatial resolution of (Nx, Ny, Nz) = (256, 256, 128) were adopted in
the reference model (see MS14a for definitions of Pr, Pm, & Ra).

Initially, small random perturbations are added to the velocity and magnetic fields. Typically after
the magnetic diffusion time, a saturated turbulent state is achieved. The convective motion there provides
ucv = 0.02, Co = 40, Bcv = 0.045, and τcv = 50. The surface visualization in Figure 1a indicates the
vertical velocity at t = 400τcv, with the red (blue) tone denoting downflow (upflow). The convective motion
is characterized by cellular upflows surrounded by downflow networks. Since there is no symmetry breaking
in the horizontal direction, the mean horizontal shear flow, and thus the Ω-effect, are absent in our model.

The time-depth diagram of ⟨Bx⟩h is shown in Figure 2a. The orange and blue tones represent positive
and negative ⟨Bx⟩h in units of Bcv, respectively. The time is normalized by τcv. As seen from this figure,
oscillatory large-scale magnetic field spontaneously organized in our reference model. The ⟨Bx⟩h has a peak
in the middle of the convection zone and propagates from there to the top and base of the zone. Note that
⟨By⟩h shows a similar cyclic behavior with ⟨Bx⟩h yet with a phase delay of π/2 (see also Figure 3).

It is well known that, in the αΩ dynamo solution, Bφ lags Br by π/4 (for ∂Ω/∂r > 0), while Bφ advances
Br by 3π/4 (for ∂Ω/∂r < 0) (e.g., Brandenburg & Subramanian 2005; Käpylä et al. 2013a). In contrast,
our DNS model provides a phase relation similar to the S-parity solution of the MF α2 dynamo model of
Brandenburg et al. (2009), wherein the vertical field condition is imposed on the top boundary [note that
z-axis points upward in Brandenburg et al. (2009)]. If the top perfect conductor condition is adopted in our
model, it is expected that ⟨By⟩h advances ⟨Bx⟩h by π/2 (A-parity solution).

The large-scale magnetic field with spatiotemporal coherence was a remarkable feature of the convective
dynamo achieved in our DNS. This feature is reproducible using a mean-field dynamo model with the velocity
and helicity profiles consistently extracted from DNS results.

3. Mean-Field Dynamo Model

3.1. Governing Equation and Link to DNS

To explore the mechanism underlying the large-scale dynamo in our DNSs, we construct a one-dimensional
MF dynamo model wherein velocity profiles are adopted from the DNS results of the saturated convective
turbulence and determine the coefficients required for MF modeling. See Simard et al. (2013) for the similar
approach.

Since the Ω-effect is excluded from our MHD simulations, the α2 dynamo rather than the αΩ dynamo
will be realized. The MF equation for the α2 dynamo is obtained from the induction equation, by dividing
the variables into the horizontal mean values and fluctuating components, u = ⟨u⟩h+u′ and B = ⟨B⟩h+B′,
and taking the horizontal average:

∂⟨Bh⟩h
∂t

= ∇× [E − η0∇× ⟨Bh⟩h] , (2)

with
E = α⟨Bh⟩h + γez × ⟨Bh⟩h − η∇× ⟨Bh⟩h , (3)

where η0 is the microscopic magnetic diffusivity, Bh = (Bx, By) is the horizontal field, and E is the turbulent
electromotive force (e.g., Ossendrijver et al. 2002). The coefficients α, γ, and η represent the α-effect,
turbulent pumping, and turbulent magnetic diffusivity, respectively. All the terms related to ⟨u⟩h and ⟨Bz⟩h
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FIG. 2.— Time-depth diagram of ⟨Bx⟩h for the reference model in (a) the DNS and (b) the MF model coupled with the DNS. The orange (blue) tone denotes
the positive (negative) ⟨Bx⟩h normalized by

√
dg0ρ0. The horizontal dashed lines show the interface between the convection zone and the stable zones.

time (t) and depth (z).
The MF dynamo described by equation (2) falls into a cat-

egory of α2-type. The MF theory predicts that the α2 mode
can generate large-scale magnetic field with oscillatory na-
ture (e.g., Baryshnikova & Shukurov 1987; Rädler & Bräuer
1987). A key ingredient for the oscillatory mode is the non-
uniformity of the α-effect, which can arise naturally as an out-
come of rotating stratified convection in the stellar interior. In
the rigidly rotating system studied here, the α2 dynamo wave
which propagates only in the depth direction is excited. How-
ever, as shown by Käpylä et al. (2013b), in the global system,
it can travel also in the latitudinal direction because of the
strong antisymmetry of the α-effect across the equator.

The dynamo-generated MF produces a Lorentz force that
will tend to “quench" the turbulent motions and will control
the nonlinear evolution and saturation of the system. Since we
have still no definitive model to describe the magnetic quench-
ing effect (e.g., Rogachevskii & Kleeorin 2001; Blackman &
Brandenburg 2002), we adopt the prototypical models which
are the dynamical α-quenching, algebraic γ- and η-quenching
of the catastrophic-type;

∂α

∂t
= −2ηkk2

c

[
α⟨Bh⟩2

h −η (∇×⟨Bh⟩h) · ⟨Bh⟩h

B2
eq

+ α−αk

ReM

]
,(4)

γ =
γk

1 + ReM⟨Bh⟩2
h/B2

eq
, (5)

η =
ηk

1 + ReM⟨Bh⟩2
h/B2

eq
, (6)

(see e.g., Brandenburg & Subramanian 2005, for the quench-
ing), where ReM = ηk/η0. The dependence of the MF model
on the quenching formula should be discussed in detail in
a subsequent paper, but at least the conclusion of this Let-
ter is independent from the choice of the quenching models.
The characteristic wavenumber kc and the equipartition field
strength Beq are given by kc(z) = 2π/Hd and Beq(z) = ⟨⟨ρuz

2⟩⟩h
in our model, where Hd = −dz/dln⟨⟨ρ⟩⟩h is the density scale
height. Here the subscript “k" refers to the unquenched coef-
ficient which is calculated from DNS results of the saturated
convective turbulence.

In the first order smoothing approximation (FOSA), the un-
quenched coefficients αk, γk and ηk in anisotropic forms are
given by (e.g., Käpylä et al. 2006, 2009b),

αk(z) = −τc[⟨⟨uz∂xuy⟩⟩h + ⟨⟨ux∂yuz⟩⟩h] ≡ −τcHeff , (7)

γk(z) = −τc∂z⟨⟨u2
z ⟩⟩h ≡ −τc∂zu2

rms , (8)

ηk(z) = τc⟨⟨u2
z ⟩⟩h ≡ τcu2

rms , (9)

where τc is the correlation time, Heff is the effective helicity,
and urms is the root-mean-square velocity. The vertical pro-
files of Heff and u2

rms in the reference DNS model are shown
in Figure 1b by solid and dashed lines.

The correlation time should be zero in the top cooling and
bottom stable layers because the convective turbulence is not
fully developed, and thus αk = γk = ηk = 0 there. Assuming
the Strouhal number being unity in the convection zone (St =
τcurmskc = 1), the vertical profile of τc is given by

τc(z) =
1

4urmskc

[
1 + erf

( z − zb

h

)][
1 + erf

( zt − z
h

)]
, (10)

where zi (i = t,b) represents the locations of the boundaries
between the regions with and without the fully-developed tur-
bulence. We define zt and zb as the depth where Heff takes the
maximum and minimum values (see Figure 1b). The transi-
tion width h is an arbitrary parameter and is assumed here as
h = 2∆z with ∆z = 2d/Nz. The uncertainty of h is discussed
later in the next section. Then all the coefficients (τc, Beq, Hd ,
αk, γk, ηk) required for the MF modeling can be computed
from the DNS results.

3.2. Comparison with DNS
For given all the coefficients in equations (2)–(10) from the

reference DNS model, the MF equations can be solved by the
second-order central difference. For the time integration, the
fourth-order Runge-Kutta method is used. We adopt the same
parameters as in the DNS: the calculation domain of 0 ≤ z ≤
2d, the resolution of Nz = 128, and the magnetic diffusivity
providing Pm = 4.

The time-depth diagram of ⟨Bx⟩h in the MF model is shown
in Figure 2b. The time is normalized by the turbulent mag-
netic diffusion time τdiff ≡ 1/[⟨⟨η⟩⟩vk2], where k is the typ-
ical wavenumber of the dynamo wave and is chosen here as
k = π/2d (c.f., Brandenburg et al. 2009). The large-scale field,
which has a quite similar amplitude and spatiotemporal struc-
ture with the DNS, is generated and sustained in the bulk of
the convection zone in the MF model.

Quantitative agreement between the MF model and DNS
can be found in Figure 3, in which the time series of ⟨Bx⟩v and
⟨By⟩v are shown. The orange [cyan] solid line denotes ⟨Bx⟩v
[⟨By⟩v] in the DNS and the red dashed [blue dash-dotted] line
is the MF model. The time of the DNS is rescaled by τdiff

(c.f., Brandenburg  
        & Subramanian 2005)
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electromotive force (e.g., Ossendrijver et al. 2002). The coefficients α, γ, and η represent the α-effect,
turbulent pumping, and turbulent magnetic diffusivity, respectively. All the terms related to ⟨u⟩h and ⟨Bz⟩h
can be ignored in considering the symmetry of the system. All the variables, except for η0, depend on the
time (t) and depth (z).

The MF dynamo described by equation (2) falls into the α2-type category. The MF theory predicts
that the α2 mode can generate a large-scale magnetic field with an oscillatory nature (e.g., Baryshnikova &
Shukurov 1987; Rädler & Bräuer 1987; Brandenburg et al. 2009). A key ingredient for the oscillatory mode
is the nonuniformity of the α-effect, which can arise naturally as an outcome of rotating stratified convection
in the stellar interior. Using the rigidly rotating system studied here, the α2 dynamo wave was excited,
which propagates only in the depth direction. However, as shown by Käpylä et al. (2013b), in the global
system, it can travel also in the latitudinal direction due to the strong antisymmetry of the α-effect across
the equator.

The dynamo-generated MF produces a Lorentz force that tends to “quench” the turbulent motions and
control the nonlinear evolution and saturation of the system. Since there is no definitive model to describe
the magnetic quenching effect (e.g., Rogachevskii & Kleeorin 2001; Blackman & Brandenburg 2002) as yet,
we adopt the prototypical models, which are the dynamical α-quenching, algebraic γ- and η-quenching of
the catastrophic-type;

∂α

∂t
= −2ηkk

2
c

[
α⟨Bh⟩2h − η (∇× ⟨Bh⟩h) · ⟨Bh⟩h

B2
eq

+
α− αk

ReM

]
, (4)

γ =
γk

1 +ReM ⟨Bh⟩2h/B2
eq

, (5)

η =
ηk

1 +ReM ⟨Bh⟩2h/B2
eq

, (6)

(see Brandenburg & Subramanian 2005, for the quenching), where ReM = ηk/η0. The dependence of the MF
model on the quenching formula should be discussed in detail in a subsequent paper, however, at least the
conclusions of this Letter remain independent from the choice of the quenching models. The characteristic
wavenumber kc and the equipartition field strength Beq are given by kc(z) = 2π/Hd and Beq(z) = ⟨⟨ρuz

2⟩⟩h
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Fig. 3.— The time series of ⟨Bx⟩v and ⟨By⟩v for the reference model. The cyan [orange] solid line denotes
⟨Bx⟩v [⟨By⟩v] in the DNS. The red dashed and blue dash-dotted lines are those in the MF model. The time
is normalized by the turbulent magnetic diffusion time.

in our model, where Hd = −dz/d ln⟨⟨ρ⟩⟩h is the density scale height. Here, the subscript “k” refers to the
unquenched coefficient, which is calculated from DNS results of the saturated convective turbulence.

In the first-order smoothing approximation (FOSA), the unquenched coefficients αk, γk and ηk in
anisotropic forms are given by (e.g., Käpylä et al. 2006, 2009b),

αk(z) = −τc[⟨⟨uz∂xuy⟩⟩h + ⟨⟨ux∂yuz⟩⟩h] ≡ −τcHeff , (7)

γk(z) = −τc∂z⟨⟨u2
z⟩⟩h ≡ −τc∂zu

2
rms , (8)

ηk(z) = τc⟨⟨u2
z⟩⟩h ≡ τcu

2
rms , (9)

where τc is the correlation time, Heff is the effective helicity, and urms is the root-mean-square velocity. The
vertical profiles of Heff and u2

rms in the reference DNS model are shown in Figure 1b by solid and dashed
lines, respectively.

The correlation time should be zero in the top cooling and bottom stable layers since the convective
turbulence is not fully developed; thus αk = γk = ηk = 0 there. Assuming the Strouhal number is unity in
the convection zone (St = τcurmskc = 1), the vertical profile of τc is given by

τc(z) =
1

4urmskc

[
1 + erf

(
z − zb

h

)][
1 + erf

(
zt − z

h

)]
, (10)

where zi (i = t, b) represents the location of the boundaries between regions with and without fully developed
turbulence. We define zt and zb as the depth where Heff achieves the maximum and minimum values,
respectively (see Figure 1b). The transition width h is an arbitrary parameter and assumed here as h = 2∆z
with ∆z = 2d/Nz. The uncertainty of h is discussed in the next section. All the coefficients (τc, Beq, Hd,
αk, γk, ηk) required for the MF modeling can subsequently be computed from the DNS results.

3.2. Comparison with DNS

Given all the coefficients in equations (2)–(10) from the reference DNS model, the MF equations can
be solved using the second-order central difference. For time integration, the fourth-order Runge-Kutta
method is used. We adopt the same parameters used in the DNS: the calculation domain of 0 ≤ z ≤ 2d, the
resolution of Nz = 128, and the magnetic diffusivity providing Pm = 4.

● 対流層における大局的磁場の形成と時空間進化を再現. 振幅・周期も定量的に一致.
● Bx & Byの間の位相のズレ (π/2)も再現.

DNS

MF

Masada & Sano (2014b)

● 全く同じモデルで磁気拡散率の異なるモデルまで定量的に再現（次ページ）

乱流の統計的効果によるダイナモ = α2ダイナモ の強い証拠

0.01
0.02
0.03

-0.02

0

-0.03

-0.01

– 6 –

Fig. 3.— The time series of ⟨Bx⟩v and ⟨By⟩v for the reference model. The cyan [orange] solid line denotes
⟨Bx⟩v [⟨By⟩v] in the DNS. The red dashed and blue dash-dotted lines are those in the MF model. The time
is normalized by the turbulent magnetic diffusion time.

in our model, where Hd = −dz/d ln⟨⟨ρ⟩⟩h is the density scale height. Here, the subscript “k” refers to the
unquenched coefficient, which is calculated from DNS results of the saturated convective turbulence.

In the first-order smoothing approximation (FOSA), the unquenched coefficients αk, γk and ηk in
anisotropic forms are given by (e.g., Käpylä et al. 2006, 2009b),

αk(z) = −τc[⟨⟨uz∂xuy⟩⟩h + ⟨⟨ux∂yuz⟩⟩h] ≡ −τcHeff , (7)

γk(z) = −τc∂z⟨⟨u2
z⟩⟩h ≡ −τc∂zu

2
rms , (8)

ηk(z) = τc⟨⟨u2
z⟩⟩h ≡ τcu

2
rms , (9)

where τc is the correlation time, Heff is the effective helicity, and urms is the root-mean-square velocity. The
vertical profiles of Heff and u2

rms in the reference DNS model are shown in Figure 1b by solid and dashed
lines, respectively.

The correlation time should be zero in the top cooling and bottom stable layers since the convective
turbulence is not fully developed; thus αk = γk = ηk = 0 there. Assuming the Strouhal number is unity in
the convection zone (St = τcurmskc = 1), the vertical profile of τc is given by

τc(z) =
1

4urmskc

[
1 + erf

(
z − zb

h

)][
1 + erf

(
zt − z

h

)]
, (10)

where zi (i = t, b) represents the location of the boundaries between regions with and without fully developed
turbulence. We define zt and zb as the depth where Heff achieves the maximum and minimum values,
respectively (see Figure 1b). The transition width h is an arbitrary parameter and assumed here as h = 2∆z
with ∆z = 2d/Nz. The uncertainty of h is discussed in the next section. All the coefficients (τc, Beq, Hd,
αk, γk, ηk) required for the MF modeling can subsequently be computed from the DNS results.

3.2. Comparison with DNS

Given all the coefficients in equations (2)–(10) from the reference DNS model, the MF equations can
be solved using the second-order central difference. For time integration, the fourth-order Runge-Kutta
method is used. We adopt the same parameters used in the DNS: the calculation domain of 0 ≤ z ≤ 2d, the
resolution of Nz = 128, and the magnetic diffusivity providing Pm = 4.

(理論的予言：Radler & Brauar 1987) (α2ダイナモ波が時空間パターンを生む)

平均場モデルの非線形解：DNSとの定量比較　(Masada & Sano 2014b)
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FIG. 4.— Time-depth diagram of ⟨Bx⟩ for the models with (a) Pm = 2, (b) Pm = 4 and (c) Pm = 8. The color has same meaning as Figure 2.

use the algebraic form of the α-quenching. The character-
istic wavenumber kc and the equipartition field strength Beq
are given by kc(z) = 2π/Hd and Beq(z) = µ0⟨⟨ρuz

2⟩⟩h in our
model, where Hd = −dz/dln⟨⟨ρ⟩⟩h is the density scale height.
Here the subscript “k" refers to the unquenched coefficient.

In the first order smoothing approximation, the unquenched
dynamo coefficients αk, γk and ηk are given by, in anisotropic
forms (e.g., Käpylä et al. 2006a, 2009b),

αk(z) = −τc[⟨⟨uz∂xuy⟩⟩h + ⟨⟨ux∂yuz⟩⟩h] ≡ −τcHeff , (8)
γk(z) = −τc∂z⟨⟨u2

z ⟩⟩h ≡ −τc∂zu2
rms , (9)

ηk(z) = τc⟨⟨u2
z ⟩⟩h ≡ τcu2

rms , (10)

where τc is the correlation time, Heft is the effective helicity,
and urms is the root mean square velocity. Generally, the α-
and γ-effects act in different ways on each magnetic compo-
nent. However, in our models, the rotation axis coincides with
the direction of gravity, resulting in isotropy in the horizon-
tal plane (Ossendrijver et al. 2002). As the effective helicity,
the average of αxx and αyy is chosen here (e.g., Käpylä et al.
2009b). The profiles of Heff and u2

rms for the fiducial model
are shown in Figure 1b by red dashed and blue dotted lines.

The correlation time should be zero in the top cooling and
bottom stable layers because the convective turbulence is not
fully developed and thus equations (12)–(14) are not expected
to hold there. With assuming the Strouhal number being unity
in the convection zone (St = τcurmskc = 1), the effect of the sta-
ble layer is incorporated by adopting the following expression
for the correlation time:

τc(z) =
1

4urmskc

[
1 + erf

( z − zb

h

)][
1 + erf

( zt − z
h

)]
, (11)

where zi (i = t,b) represents the interface between the regions
with and without the fully-developed convective turbulence.
We define it as the depth at which Heft has an extremum. As
an example, zi for the fiducial mode is shown in Figure 1b.
The transition width h is an arbitrary parameter in our model.
Assuming h = 2∆z with ∆z = 2d/Nz, all the coefficients re-
quired for the MF modeling can be computed from the DNS.

For given all the coefficients in equations (7)–(15) from the
DNS, the MF equations are solved by the second-order central
difference. For the time integration, the fourth-order Runge-
Kutta method is used. We adopt the same numerical setting
as that of the DNS: the calculation domain of 0 ≤ z ≤ 2d,
the resolution of Nz = 128, and the magnetic diffusivities of
η0/η f = 0.5,1 and 2.

The time-depth diagram of ⟨Bx⟩h in the MF model is shown
in Figure 4. Panels (a), (b) and (c) denote the cases with

η0/η f = 2,1 and 0.5, respectively. The color has same mean-
ing as Figure 2. The large-scale magnetic field, which has a
similar spatiotemporal structure with the DNS, is generated
and sustained in the bulk of the convection zone in all the
models. The propagating α2-dynamo wave excited in the con-
vection zone is responsible for the spatiotemporal pattern of
the large-scale dynamo in the DNS. When defining the phase
velocity of the dynamo wave as vph = 2πω/d, we can measure
it accurately from the volume-averaged data as vph = 2× 104

for the fiducial model, where ω is the cycle frequency.
The properties of the MF dynamo are dependent on the

magnetic diffusivity. The blue circle in Figure 3 represents (a)
τcyc and (b) BM for the MF model as a function of Γ≡ η f /η0.
The vertical axis in each panel is normalized by the value of
the fiducial model, τcyc f = 3380 and BM f = 0.029. Like as the
DNS, the cycle frequency and BM are proportional to the mag-
netic diffusivity. Not only the trend, the slope and amplitude
of the η0-dependence are also reproduced by the MF model.

Quantitative agreement between the MF model and DNS
is found in Figure 5, in which the time series of the volume-
averaged horizontal field is shown for the fiducial model. The
orange [cyan] solid line denotes ⟨Bx⟩v [⟨By⟩v] in the DNS and
the red [blue] dashed line is the MF model. The horizontal
axis is normalized by the traveling time of the dynamo wave
defined by τt ≡ λdw/vph, where λdw is the typical wavelength
of the dynamo wave. As the typical wavelength, we choose
λdw = d for the MF model and λdw = πd for the DNS. The
longer wavelength of the the dynamo wave in the case of the
DNS is due to the geometrical effect. The time window of the
MF model is chosen to match the phase of the DNS.

The cycle and amplitude of the large-scale magnetic field in
the MF model coincide with those in the DNS. The phase dif-
ference of π/2 between ⟨Bx⟩v and ⟨By⟩v are also reproduced.
Even when we change the magnetic diffusivity, the basic dy-
namo properties in the MF model agree well with those in the
DNS. When taken all together, we can confirm that the large-
scale dynamo observed in the DNS is a manifestation of the
propagating α2 dynamo excited in the convection zone.

5. SUMMARY & DISCUSSION

In this Letter, the large-scale dynamo by rigidly rotating
convection was studied by the DNS in local Cartesian geom-
etry. We found that the cycle frequency and strength of the
large-scale magnetic field are proportional to the magnetic
diffusivity though the spatiotemporal structure of it is simi-
lar among the models with different magnetic diffusivity. The
mechanism underlying the large-scale dynamo in the DNS
was explored by the mean-field dynamo model with all the dy-
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FIG. 2.— Time series of the vertical profiles of (a) ⟨Bx⟩ and (b) ⟨By⟩. The orange (blue) tone denotes the positive (negative) component of the mean magnetic
field.

The vertical profiles of u2
rms and B2

eq are shown in Figure 3a
by dashed and dash-dotted lines. They are normalized by
their absolute maximum values |u2

rms,max| = 5.5 × 10−4 and
|B2

eq,max| = 1.4×10−3.
For given all the profiles in equations (12)–(14) from the

simulation data, the time-integration of the coupled equations
(9)–(11) is solved by the second-order central difference. We
use the same domain (−0.15d ≤ z ≤ 1.85d), magnetic diffu-
sivity (η = 7.4× 10−5), and the other settings as those of the
simulation setup.

Figure 3b shows the time evolutions of α (dashed) and ηt
(solid) at z = zc. The time is normalized by the quenched tur-
bulent diffusion time defined by τd = L2/ηt,q, where L is the
domain size and ηt,q = 7.4× 10−4 is the quenched turbulent
diffusivity at z = zc indicated by the squared symbol in Fig-
ure 3b. We adopt L = 2d for the mean-field model. The dy-
namo coefficients decrease with the time due to the nonlinear
back-reaction of the mean-field. After the transition stage of
t/τd ! 1, they are settled into the quenched values and the
system reaches a saturated state.

The time series of the vertical profiles of ⟨Bx⟩ and ⟨By⟩ are
shown in Figures 4a and 4b. The horizontal axis is normal-
ized by the quenched turbulent diffusion time. The oscillatory
mode grows and is maintained in the bulk of the convection
zone. Like as the simulation result, it is the strongest at around
z = zc and propagates from there to top and base of the convec-
tion zone. The phase difference of π/2 between ⟨Bx⟩ and ⟨Bx⟩
is also reproduced. Our model indicates that the quenched tur-
bulent diffusion regulates the magnetic cycle.

Quantitative agreements between the simulation and the
mean-field model can be found in Figure 5, in which the
time series of ⟨Bx⟩cz (red) and ⟨By⟩cz (blue) are shown.
Here the single angular bracket with subscript “cz" denotes
the volume-average over the convection zone. The solid
and dashed lines present the simulation data and mean-field
model. Note that the time of the simulation data is normal-
ized by τd with L = 4d (maximum size of the domain) and
ηt,q. In contrast, the time of the mean-field model is normal-
ized by τd with L = 2d. The reference time of the mean-field
model is shifted to match the phase of the simulation data.

The large-scale dynamo observed in the simulation is quan-
titatively reproduced by the mean-field model of α2 dynamo.
The oscillation period of the simulated large-scale field is also
regulated by the quenched turbulent diffusion. In addition, the
saturated field strength is determined by the balance between
the quenched α-effect and the quenched turbulent diffusion.
When taken all the results together, we confirmed that the

oscillatory α2 dynamo mode excited by the turbulent strat-
ified convection is responsible for the simulated large-scale
dynamo.

5. DISCUSSION & SUMMARY

In this Letter, we studied the oscillatory large-scale dynamo
spontaneously excited by the rotating stratified convection in
Cartesian domain. We demonstrated, for the first time, that the
simulated large-scale dynamo is quantitatively reproduced by
the mean-field model with the dynamo coefficients directly
computed from the simulation. The overall numerical re-
sults were interpreted as manifestations of the oscillatory α2-
dynamo mode regulated by the quenched turbulent diffusion.

A message in our work is the effectiveness of the mean-field
electrodynamics as a powerful tool to study the large-scale dy-
namo. However, the quenching effects have still contain un-
certainties because the nonlinear back-reaction of the mean-
field on the dynamo coefficients has not been well under-
stood (Cattaneo & Vainshtein 1991; Kitchatinov et al. 1994;
Rogachevskii & Kleeorin 2001). The further elucidation of
the non-kinematic effects will promote a more accurate and
deeper understanding of the solar and stellar dynamos.

The cycle regulation by the α2 dynamo mode is getting a lot
more attention lately (Mitra et al. 2010; Schrinner et al. 2011;
Simard et al. 2013) . The oscillatory α2 dynamo mode is a
natural outcome of the rotating stratified convection as shown
here, and should be a fundamental mode within the stellar
interior, possibly even in the solar interior. A key ingredient
is the reflectional asymmetry in the α profile. The accurate
numerical modeling of the solar internal α profile will offer a
way to reveal the mystery of the solar cycle variation.

We adopted a rapidly rotating weakly stratified convection
model, which is far from the solar interior. In previous studies,
the large-scale dynamo has not been observed in the solar-
like slowly rotating convection in Cartesian geometry (e.g.,
Käpylä et al. 2009). We conjecture that the large-scale dy-
namo can be excited even by the slowly rotating convection
if the scale of the convective eddies is sufficiently separated
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namo mode is depending fully on the statistical process, not
on the deterministic process such as the Ω process. By exam-
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FIG. 3.— (a) The statistical average of the period of the polarity reversal
and (b) the time and volume averaged strength of the horizontal magnetic
component as a function of the magnetic Prandtl number. The red squares
denote the DNS and the blue circles are the MF model.

The red square in Figure 3 is (a) the period of polarity re-
versal τcyc and (b) the strength of mean horizontal field BM as
a function of Γ ≡ η f /η0, where BM ≡ (⟨⟨Bx⟩⟩2

v + ⟨⟨By⟩⟩2
v)1/2

and η f is the magnetic diffusivity of the fiducial model. τcyc
is the statistical average of the each cycle period. BM is aver-
aged over four cycle periods. The vertical axis in each panel is

normalized by the value of the fiducial model, τcyc f = 200τcv
and BM f = 0.015. While τcyc is inversely proportional to the
the magnetic diffusivity, BM is proportional to it. The spa-
tiotemporal pattern with well-regulated cycle period and η0-
dependence of the large-scale field are the characteristics of
the convective dynamo in the DNS which should be explained
by the mean-field dynamo model in the following.

4. MEAN-FIELD DYNAMO MODEL

To explore the mechanism underlying the large-scale dy-
namo in the DNS, we construct a one-dimensional mean-field
(MF) dynamo model. The key idea is to determine all the dy-
namo coefficients on the basis of the DNS. See Käpylä et al.
(2006b) and Simard et al. (2013) for the similar approach.

By dividing the variables into horizontal mean and fluctu-
ating components, as u = ⟨u⟩h + u′ and B = ⟨B⟩h +B′, and
taking the horizontal average of the induction equation, the
MF equation for the α2 dynamo is obtained:

∂⟨Bh⟩h

∂t
= ∇× [E −η0∇×⟨Bh⟩h] , (3)

with
E = α⟨Bh⟩h +γez ×⟨Bh⟩h −η∇×⟨Bh⟩h , (4)

where Bh = (Bx,By) is the horizontal field, and E is the turbu-
lent electromotive force (e.g., Ossendrijver et al. 2002). The
coefficients α, γ, and η represent α-effect, turbulent pumping,
and turbulent magnetic diffusivity, respectively. Here all the
terms related to ⟨u⟩h and ⟨Bz⟩h can be ignored from the sym-
metry of the system. All the variables, except the magnetic
diffusivity η0, depend on the time and depth.

Nonlinear back-reaction of the MF on dynamo coefficients
regulates the saturation of the system. However, the quench-
ing function is still a matter of debate (e.g., Rogachevskii
& Kleeorin 2001; Blackman & Brandenburg 2002). In the
present study, we use the dynamical α-quenching, algebraic
γ- and η-quenching of the catastrophic-type given by

∂α

∂t
= −2ηkk2

c

[
α⟨Bh⟩2

h −ηJ · ⟨Bh⟩h

B2
eq

+ α−αk

ReM

]
, (5)

γ =
γk

1 + ReM(⟨Bh⟩2
h/B2

eq)
, (6)

η =
ηk

1 + ReM(⟨Bh⟩2
h/B2

eq)
, (7)

where ReM = ηk/η0 and J = ∇× ⟨Bh⟩h. We stress that the
property of the MF model does not change drastically if we
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DNSと平均場モデルの磁気拡散率依存性
✴磁気拡散率(η0)を変えたMHD計算

- 平均場の強度  ∝ η0

- 極性反転周期  ∝ 1/η0

全く同じモデル (α, γ, ηtをMHD計算から 

決める) で振幅・依存性も定量的に再現
(たまたま合った, 合わせた類ではない) 極

性
反
転
周
期

磁気拡散率-1

(normalized)

(n
o

rm
a

li
ze

d
)



α2のダイナモモードの説明

✴平均場ダイナモ方程式を平面波	(∝	exp[i(kzz - ωt)] ) で展開	(ηeff	=	ηt	+	η0)：
平均場ダイナモの分散関係

Magnetic Dynamo Cycle in Rigidly-Rotating Turbulent Convection

Youhei MASADA1, AND Takayoshi SANO2

ABSTRACT

Subject headings: Convection – turbulence – Sun: magnetic fields – stars: magnetic fields

1. Introduction

ω =

[
∂α

∂z
+

(
γ − ∂ηeff

∂z

)
kz

]
(1)

+i

[
αkz −

∂γ

∂z
− ηeffk

2
z

]

2. Simulation Setup and Control Parameters

Convective dynamo systems are solved numerically in Cartesian geometry. The computational domain
comprises three layers: upper isothermal cooling layer (layer 1) of thickness dcool (z0 ≤ z ≤ z1), middle
convective layer (layer 2) of thickness dCZ (z1 ≤ z ≤ z2) and bottom stably-stratified “radiative” layer (layer
3) of thickness dRZ (z2 ≤ z < z3), where the x- and y-axes are taken to be horizontal and z-axis is pointing
downward. The coordinates z0 and z3 denote the upper and lower boundaries of the computational domain,
whereas z1 and z2, which are fixed in this work as z1 = 0.0 and z2 = 1.0, correspond to the boundaries
between stable and unstable layers. The computational box has horizontal dimensions Lx = Ly = W . See
Figure 1 for the calculation domain. Panels (a), (b) and (c) show 3D, top and side views, respectively. The
dashed lines in panel (c) denote the interfaces between the stable and unstable zones, i.e., the coordinates
z1 and z2. The setup is similar to that developed by Nordlund et al. (1992) and Brandenburg et al. (1996),
and used recently in, e.g., Ossendrijver et al. (2001, 2002) and Käpylä et al. (2004, 2009b).

The basic equations are the fully-compressible MHD equations in the rotating frame of reference with
a constant angular velocity Ω = −Ω0ez (rotation vector is directed upward)

∂ρ

∂t
= −∇ · (ρu) , (2)

Du

Dt
= −∇P

ρ
+

J ×B

ρ
− 2Ω× u+

∇ ·Π
ρ

+ g , (3)

Dϵ

Dt
= −P∇ · u

ρ
+Qheat −

ϵ− ϵ0
τ(z)

, (4)
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成長率

振動数

2.3 軸対称な誘導方程式
誘導方程式を簡単に解くために、軸対称の仮定を取り入れる。太陽は回転しているので、この仮定を取り

入れた。

2.3.1 トロイダル磁場とポロイダル磁場

図 1: トロイダル磁場 (左)とポロイダル磁場 (右)の図

　

軸対称を仮定して磁場をトロイダル
磁場とポロイダル磁場に分ける。左
図のように、回転軸に垂直な平面内
の磁場をトロイダル磁場 (Bφ)、回転
軸と平行な平面内にある磁場をポロ
イダル磁場 (Br, Bθ)という。トロイ
ダル磁場とポロイダル磁場を相互に
生成しあうことでダイナモとなる。

2.3.2 ダイナモ方程式

軸対称を仮定して誘導方程式をトロイダル成分とポロイダル成分に分解する。
そのために磁場をB = Bφeφ +∇× (Aeφ)としてトロイダル磁場Bφeφとポロイダル磁場Bp = ∇× (Aeφ)
の成分に分ける。簡単のため非圧縮と拡散率 ηが定数である事を仮定すると誘導方程式は以下の式になる。

∂A

∂t
= η

(
∇2 − 1

r2 sin2 θ

)
A − up

r sin θ
·∇(r sin θA) (2.3)

∂Bφ

∂t
= η

(
∇2 − 1

r2 sin2 θ

)
Bφ − r sin θup ·∇

(
Bφ

r sin θ

)
+ r sin θBp ·∇Ω (2.4)

これをダイナモ方程式1という。式 2.3のそれぞれの項を見ると右辺第 1項は拡散項、第 2項は移流項、式
2.4の右辺第 1項は拡散項、第 2項は移流項、第 3項は角速度に勾配があるときにポロイダル磁場からトロ
イダル磁場を生成するという項 (Ω効果)である。以上よりダイナモ方程式にはポロイダル磁場からトロイ
ダル磁場を生成する効果は入っているが、トロイダル磁場からポロイダル磁場を生み出す効果は入っていな
い。このままではポロイダル磁場はなくなるばかりでダイナモは成立しないので非軸対称の効果を考えて
式 2.3 に項を足して

∂A

∂t
= η

(
∇2 − 1

r2 sin2 θ

)
A − up

r sin θ
·∇(r sin θA) + αBφ (2.5)

とする。この αBφ を α効果という。

1付録 10.1 に導出
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Ω効果

α効果

+	α効果	(∝	αBp)

✴物理的にはBφの式にもα効果が入る

✴Parkerが加えたα効果

乱流効果を全て考慮するとα2	のモードが出てくる	
(Ω効果が存在する場合にはα2Ωモード)

αの勾配が振動数とダイナモ波の伝搬方向を決める解

2 Masada and Sano

The dimensionless quantities are introduced by setting d =
g0 = ρ0 = 1, where ρ0 is the initial density at z = z0. The units
of length, time, velocity, and magnetic field are given by d,√

d/g0,
√

dg0, and
√

dg0ρ0, respectively. The stratification
level is controlled by the normalized pressure scale height at
the surface defined by ξ = Hp/d = (γ − 1)ϵ0/(g0d), where ϵ0 is
the specific internal energy at z = z0. Here we adopt ξ = 0.3,
yielding the density contrast of ρ(z3)/ρ(z0) ≃ 10.

The Prandtl, magnetic Prandtl, and Rayleigh numbers are
defined by

Pr =
γρν0

κ0
, Pm =

ν0

η0
, Ra =

g0d4

χ0ν0

[
∇−∇ad

Hp

]
, (2)

where ν0, η0, and κ0 are the viscosity, magnetic diffusiv-
ity, and thermal conductivity, respectively. Here ∇ −∇ad is
the superadiabatic temperature gradient with ∇ad = 1 − 1/γ,
∇ = (∂ lnT/∂ lnP), and Hp is the pressure scale height. The
variables ρ, ∇, and Hp in equation (2) are evaluated at the
mid-convection zone of the depth zm = (z2 − z1)/2.

The volume average in the convection zone and the horizon-
tal average are denoted by single angular brackets with sub-
script “v" and subscript “h", respectively. The time-average of
each spatial mean is denoted by additional angular brackets.
The relative strength of rotation to the convection is measured
by the Coriolis number Co = 2Ω0d/ucv, where ucv ≡

√
⟨⟨u2

z ⟩⟩v
is the mean convective velocity. The convective turn-over
time and the equipartition field strength are defined, respec-
tively, by τcv ≡ d/ucv and Beq ≡

√
⟨⟨µ0ρu2⟩⟩v.

All the variables are assumed to be periodic in the horizon-
tal directions. Stress-free boundary conditions are used in the
vertical direction for the velocity. Perfect conductor and verti-
cal field boundary conditions are used for the magnetic field at
the bottom and top boundaries, respectively. While a constant
energy flux is imposed on the bottom boundary, the internal
energy is fixed on the top boundary.

The fundamental equations are solved by the second-order
Godunov-type finite-difference scheme which employs an ap-
proximate MHD Riemann solver (Sano et al. 1998). The mag-
netic field is evolved with CMoC-CT method (Clarke 1996).
Non-dimensional parameters of Pr = 1.4 and Ra = 4 × 106,
and constant angular velocity of Ω0 = 0.4 are adopted for all
the models. The models with different magnetic Prandtl num-
bers Pm = 2,4 and 8 are simulated. The fiducial model with
Pm = 4 is same as the model B in MS14a. The spatial res-
olution of (Nx,Ny,Nz) = (256,256,128) is adopted for all the
simulation runs. A small random perturbation is added to the
velocity and magnetic fields when the calculation starts.

3. SIMULATION RESULTS

The system reaches an equilibrated state typically after the
magnetic diffusion time (see MS14a in detail). The quantities
ucv, Co, Beq and τcv depend less on the magnetic diffusivity
and are evaluated there as 0.02, 40, 0.045 and 50, respectively
for all the models.

The volume visualization in Figure 1a is the vertical veloc-
ity when t = 400τcv for the fiducial model. The red (blue) tone
denotes downflow (upflow) region. The convective motion is
characterized by cellular upflows surrounded by networks of
narrower and faster downflows in the saturated state. Since
there is no symmetry breaking in the horizontal directions,
the mean horizontal shear flow is absent in our models.

The mean kinetic helicity defined by ⟨⟨u ·∇×u⟩⟩h for the
fiducial model is shown by black solid line in Figure 1b. The

(a)

z

x

y

CZ

RZ

cooling layer

Ω0

g

W = 4d

2d

(b)

FIG. 1.— (a) Model setup and volume visualization of vertical velocity
when t = 400τcv for the fiducial model with Pm = 4. The red (blue) tone
denotes downflow (upflow). (b) Black solid, red dashed, blue dotted lines
denote the time and horizontal average of the kinetic helicity, Heft, and u2

rms.
The normalizations are their extremum values.

downflow acquires a negative vorticity as a consequence of
the Coriolis force acting on the converging motion, yielding
a negative helicity in the upper convection zone. In contrast,
near the base of the convection zone, the downflow is decel-
erated and diverged by negative buoyancy, resulting in a posi-
tive helicity. The non-zero gradient of the kinetic helicity is a
source for the large-scale dynamo in our models.

Regardless the magnitude of the magnetic diffusivity, os-
cillatory large-scale magnetic fields are spontaneously orga-
nized in the bulk of the convection zone. The time-depth dia-
gram of horizontally-averaged horizontal magnetic field ⟨Bx⟩h
is shown in Figure 2. Panels (a), (b) and (c) correspond to the
models with Pm = 2, 4 and 8, respectively. The orange and
blue tones denote the positive and negative field strengths.
The time is normalized by τcv. Note that ⟨By⟩h shows the sim-
ilar behavior with ⟨Bx⟩h but has a phase difference of about
π/2 from it (see MS14a).

The spatiotemporal structure of the large-scale magnetic
field is similar among the models with different magnetic dif-
fusivity: it is the strongest at the middle of the convection
zone and propagates from there to top and base of the convec-
tion zone. However the period of the polarity reversal and the
mean-field strength depend on the magnetic diffusivity.



黒点状の垂直磁場構造はできるのか？- 動径磁場の水平面分布 -
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✴対流層表面の垂直磁場の水平面分布：
x x

対流セルの典型的サイズ 
　~ 垂直磁場の典型的サイズ

✴黒点のような大きな収束した磁場構造 
   はこの弱密度成層計算では出現しない

(→ ほぼ乱流磁場成分しか持たない)
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足りない要素は？
モデルと現実の太陽の最大の違いは 
密度成層の強さ  →  強密度成層モデルへ拡張 



②強密度成層(太陽内部)下での対流ダイナモ
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Nx×Ny×Nz	=	2563

発展：太陽対流層とほぼ同様の密度成層モデル
●	基礎方程式：完全圧縮性MHD方程式【回転系】
●	1層ポリトロープモデル【対流層のみ】	
			アスペクト比：Lx/Lz	=	Ly/Lz		=	4,	Ωはgと反平行
●	無次元パラメータ	:	Pr	=	10,	Pm	=	2,	Ra	=	4×106

-	磁場・・上部境界：開放境界（垂直磁場）条件	
　　　　			下部境界：完全導体

●		ポリトロープ指数：1.49	(super-adiabaticity	δ=10-3)

-	速度場・・上・下とも応力なし境界条件
-	下部境界に一定の	dε/dz			→		対流を駆動

●	境界条件（水平方向は周期境界）：
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    (0.7Rsun < r < 0.99Rsun：対流層のみ)

対流層の底

✴	太陽内部	=	強い密度成層
-	対流セルのサイズ	∝	Hρ		(対流セルのサイズが深さとともに変化)
-	マルチスケールの熱対流構造

Godunov	CMoC-CT

※アスペクト比 
   は実際と異なる

⚫ 弱密度成層のモデル (MS14ab)こ 

⚫ 標準太陽モデル (Model S) 

  
⚫ 強密度成層モデル：対流層のみ



強密度成層下での熱対流の基本的性質（磁場無し・回転無し）
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✴熱対流の性質：
①	強い上下非対称性	→	グラニュール状対流	
②	対流セルサイズ：深部ほど大（マルチスケール）	
③	下降流の収束		→		下降流プルームの形成	

● consistent with earlier studies
(Miesch+00; Brun+04; Ghizaru+10  
 Kapyla+12,13,14; Hotta+14)
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✴	回転率をパラメータ：

※アスペクト比は実際の計算と同様

※コリオリ力は存在するが	
			差動回転は存在しない

		Ω0	=	0.0,	0.05,	0.1,	0	.25,	0.5
		→	大局的磁場の生成条件を調査
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対流の回転率に対する依存性：Ω0の増大	→	ロスビー数の減少

対流速度とロスビー数	(≡	Ro)の減少
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✴ロスビー数の定義：
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✴Side	view（黒線：磁力線,	色：Bxの強度）

✴Top view (Bzを可視化)

対流セルスケールの磁場が組織化 
され大きなスポット状構造に進化
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③大局的磁場はなぜ成長し	
　なぜ構造が形成されるのか？

✴太陽磁場の3つの特徴：
①大局性
②収束性（集中性）
③周期性

：黒点のスケール		≫	対流スケール
：局在化

：11年周期	(or	22年周期)
→	この簡単な計算モデルの中に太陽磁場	
　の全てのエッセンスが詰まっている
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大局的ダイナモの1次元平均場理論による理解

✴平均場分解：u = 〈u〉h + u´, B = 〈B〉h + B´   →  1次元平均場ダイナモ方程式
✴複雑系をさらに単純化して理解したい  →  平均場近似（誘導方程式を平均場分解）
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stratification than the actual solar stratification. Since the stronger stratification may have an influence on
the magnetic dynamo properties, we will study the effect of the density stratification on the Rol-dependence
of the DR profile in the MHD regime (c.f., Käpylä et al. 2011, 2014; Karak et al. 2014).

The recent development of the astroseismology opens up the way to study the large-scale internal flows
in the solar-type main sequence stars with different age and thus different rotation rate (e.g., Chaplin et al.
2010). Computer simulation in tandem with the advanced observation will help deepening the understanding
of the stellar interior dynamics and stellar dynamo activities in the astroseismology era.

∂⟨Bh⟩h
∂t

= ∇× [⟨vh⟩h × ⟨Bh⟩h + Et − η0∇× ⟨Bh⟩h] (11)

Et = α⟨Bh⟩h + γez × ⟨Bh⟩h − η∇× ⟨Bh⟩h , (12)

We thank the anonymous referee for constructive comments. Numerical computations were carried on
π-Computer at Kobe Univ., and Cray XC30 at National Astronomical Observatory of Japan. This work was
supported by JSPS KAKENHI grant Nos. 24740125 and 20260052.
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stratification than the actual solar stratification. Since the stronger stratification may have an influence on
the magnetic dynamo properties, we will study the effect of the density stratification on the Rol-dependence
of the DR profile in the MHD regime (c.f., Käpylä et al. 2011, 2014; Karak et al. 2014).

The recent development of the astroseismology opens up the way to study the large-scale internal flows
in the solar-type main sequence stars with different age and thus different rotation rate (e.g., Chaplin et al.
2010). Computer simulation in tandem with the advanced observation will help deepening the understanding
of the stellar interior dynamics and stellar dynamo activities in the astroseismology era.

∂⟨Bh⟩h
∂t

= ∇× [⟨uh⟩h × ⟨Bh⟩h + Et − η0∇× ⟨Bh⟩h] (11)

Et = α⟨Bh⟩h + γez × ⟨Bh⟩h − η∇× ⟨Bh⟩h , (12)
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(乱流起電力)

平均流によるダイナモ項はゼロ 乱流起電力のみがダイナモを担う

乱流α効果 乱流パンピング 乱流磁気拡散

✴係数αはヘリシティ、γとηは平均2乗速度と関係
→ データから全係数（時間平均値）を直接計算可能

✴飽和を与えるために非線形効果を考慮：

Mean-Field Modeling of α2-Dynamo in Rigidly Rotating Convection 3
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FIG. 2.— Time-depth diagram of ⟨Bx⟩h for the reference model in (a) the DNS and (b) the MF model coupled with the DNS. The orange (blue) tone denotes
the positive (negative) ⟨Bx⟩h normalized by

√
dg0ρ0. The horizontal dashed lines show the interface between the convection zone and the stable zones.

time (t) and depth (z).
The MF dynamo described by equation (2) falls into a cat-

egory of α2-type. The MF theory predicts that the α2 mode
can generate large-scale magnetic field with oscillatory na-
ture (e.g., Baryshnikova & Shukurov 1987; Rädler & Bräuer
1987). A key ingredient for the oscillatory mode is the non-
uniformity of the α-effect, which can arise naturally as an out-
come of rotating stratified convection in the stellar interior. In
the rigidly rotating system studied here, the α2 dynamo wave
which propagates only in the depth direction is excited. How-
ever, as shown by Käpylä et al. (2013b), in the global system,
it can travel also in the latitudinal direction because of the
strong antisymmetry of the α-effect across the equator.

The dynamo-generated MF produces a Lorentz force that
will tend to “quench" the turbulent motions and will control
the nonlinear evolution and saturation of the system. Since we
have still no definitive model to describe the magnetic quench-
ing effect (e.g., Rogachevskii & Kleeorin 2001; Blackman &
Brandenburg 2002), we adopt the prototypical models which
are the dynamical α-quenching, algebraic γ- and η-quenching
of the catastrophic-type;

∂α

∂t
= −2ηkk2

c

[
α⟨Bh⟩2

h −η (∇×⟨Bh⟩h) · ⟨Bh⟩h

B2
eq

+ α−αk

ReM

]
,(4)

γ =
γk

1 + ReM⟨Bh⟩2
h/B2

eq
, (5)

η =
ηk

1 + ReM⟨Bh⟩2
h/B2

eq
, (6)

(see e.g., Brandenburg & Subramanian 2005, for the quench-
ing), where ReM = ηk/η0. The dependence of the MF model
on the quenching formula should be discussed in detail in
a subsequent paper, but at least the conclusion of this Let-
ter is independent from the choice of the quenching models.
The characteristic wavenumber kc and the equipartition field
strength Beq are given by kc(z) = 2π/Hd and Beq(z) = ⟨⟨ρuz

2⟩⟩h
in our model, where Hd = −dz/dln⟨⟨ρ⟩⟩h is the density scale
height. Here the subscript “k" refers to the unquenched coef-
ficient which is calculated from DNS results of the saturated
convective turbulence.

In the first order smoothing approximation (FOSA), the un-
quenched coefficients αk, γk and ηk in anisotropic forms are
given by (e.g., Käpylä et al. 2006, 2009b),

αk(z) = −τc[⟨⟨uz∂xuy⟩⟩h + ⟨⟨ux∂yuz⟩⟩h] ≡ −τcHeff , (7)

γk(z) = −τc∂z⟨⟨u2
z ⟩⟩h ≡ −τc∂zu2

rms , (8)

ηk(z) = τc⟨⟨u2
z ⟩⟩h ≡ τcu2

rms , (9)

where τc is the correlation time, Heff is the effective helicity,
and urms is the root-mean-square velocity. The vertical pro-
files of Heff and u2

rms in the reference DNS model are shown
in Figure 1b by solid and dashed lines.

The correlation time should be zero in the top cooling and
bottom stable layers because the convective turbulence is not
fully developed, and thus αk = γk = ηk = 0 there. Assuming
the Strouhal number being unity in the convection zone (St =
τcurmskc = 1), the vertical profile of τc is given by

τc(z) =
1

4urmskc

[
1 + erf

( z − zb

h

)][
1 + erf

( zt − z
h

)]
, (10)

where zi (i = t,b) represents the locations of the boundaries
between the regions with and without the fully-developed tur-
bulence. We define zt and zb as the depth where Heff takes the
maximum and minimum values (see Figure 1b). The transi-
tion width h is an arbitrary parameter and is assumed here as
h = 2∆z with ∆z = 2d/Nz. The uncertainty of h is discussed
later in the next section. Then all the coefficients (τc, Beq, Hd ,
αk, γk, ηk) required for the MF modeling can be computed
from the DNS results.

3.2. Comparison with DNS
For given all the coefficients in equations (2)–(10) from the

reference DNS model, the MF equations can be solved by the
second-order central difference. For the time integration, the
fourth-order Runge-Kutta method is used. We adopt the same
parameters as in the DNS: the calculation domain of 0 ≤ z ≤
2d, the resolution of Nz = 128, and the magnetic diffusivity
providing Pm = 4.

The time-depth diagram of ⟨Bx⟩h in the MF model is shown
in Figure 2b. The time is normalized by the turbulent mag-
netic diffusion time τdiff ≡ 1/[⟨⟨η⟩⟩vk2], where k is the typ-
ical wavenumber of the dynamo wave and is chosen here as
k = π/2d (c.f., Brandenburg et al. 2009). The large-scale field,
which has a quite similar amplitude and spatiotemporal struc-
ture with the DNS, is generated and sustained in the bulk of
the convection zone in the MF model.

Quantitative agreement between the MF model and DNS
can be found in Figure 3, in which the time series of ⟨Bx⟩v and
⟨By⟩v are shown. The orange [cyan] solid line denotes ⟨Bx⟩v
[⟨By⟩v] in the DNS and the red dashed [blue dash-dotted] line
is the MF model. The time of the DNS is rescaled by τdiff

(c.f., Brandenburg  
        & Subramanian 2005)

(α2型のダイナモ方程式)

（磁場の誘導効果）（乱流による移流）

磁気ヘリシティの増大が 
磁場の誘導効果を打ち消す

(c.f, Masada & Sano 2014 
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1. Introduction

ω =

[
∂α

∂z
+

(
γ − ∂ηeff

∂z

)
kz

]
(1)

+i

[
αkz −

∂γ

∂z
− ηeffk

2
z

]

ℑ(ω) > 0 ,

↔ Dmod ≡ αkz
∂γ
∂z + ηeffk2z

> 1 ,

Dlocal ≡
α

ηeffkz
> 1 , (2)

E = α⟨Bh⟩
+γez × ⟨Bh⟩
−ηt∇× ⟨Bh⟩ ,

∂⟨Bh⟩
∂t

= ∇× [E − η0∇× ⟨Bh⟩] (3)

2. Simulation Setup and Control Parameters

Convective dynamo systems are solved numerically in Cartesian geometry. The computational domain
comprises three layers: upper isothermal cooling layer (layer 1) of thickness dcool (z0 ≤ z ≤ z1), middle
convective layer (layer 2) of thickness dCZ (z1 ≤ z ≤ z2) and bottom stably-stratified “radiative” layer (layer
3) of thickness dRZ (z2 ≤ z < z3), where the x- and y-axes are taken to be horizontal and z-axis is pointing
downward. The coordinates z0 and z3 denote the upper and lower boundaries of the computational domain,
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【乱流α効果】
【乱流パンピング】
【乱流磁気拡散】
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1. Introduction

ω =

[
∂α

∂z
+

(
γ − ∂ηeff

∂z

)
kz

]
(1)

+i

[
αkz −

∂γ

∂z
− ηeffk

2
z

]

2. Simulation Setup and Control Parameters

Convective dynamo systems are solved numerically in Cartesian geometry. The computational domain
comprises three layers: upper isothermal cooling layer (layer 1) of thickness dcool (z0 ≤ z ≤ z1), middle
convective layer (layer 2) of thickness dCZ (z1 ≤ z ≤ z2) and bottom stably-stratified “radiative” layer (layer
3) of thickness dRZ (z2 ≤ z < z3), where the x- and y-axes are taken to be horizontal and z-axis is pointing
downward. The coordinates z0 and z3 denote the upper and lower boundaries of the computational domain,
whereas z1 and z2, which are fixed in this work as z1 = 0.0 and z2 = 1.0, correspond to the boundaries
between stable and unstable layers. The computational box has horizontal dimensions Lx = Ly = W . See
Figure 1 for the calculation domain. Panels (a), (b) and (c) show 3D, top and side views, respectively. The
dashed lines in panel (c) denote the interfaces between the stable and unstable zones, i.e., the coordinates
z1 and z2. The setup is similar to that developed by Nordlund et al. (1992) and Brandenburg et al. (1996),
and used recently in, e.g., Ossendrijver et al. (2001, 2002) and Käpylä et al. (2004, 2009b).

The basic equations are the fully-compressible MHD equations in the rotating frame of reference with
a constant angular velocity Ω = −Ω0ez (rotation vector is directed upward)

∂ρ

∂t
= −∇ · (ρu) , (2)

Du

Dt
= −∇P

ρ
+

J ×B

ρ
− 2Ω× u+

∇ ·Π
ρ

+ g , (3)

Dϵ

Dt
= −P∇ · u

ρ
+Qheat −

ϵ− ϵ0
τ(z)

, (4)
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✴平均場ダイナモ方程式を平面波	
				(∝	exp[i(kzz - ωt)] ) で展開	(ηeff	=	ηt	+	η0)：
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3) of thickness dRZ (z2 ≤ z < z3), where the x- and y-axes are taken to be horizontal and z-axis is pointing
downward. The coordinates z0 and z3 denote the upper and lower boundaries of the computational domain,
whereas z1 and z2, which are fixed in this work as z1 = 0.0 and z2 = 1.0, correspond to the boundaries
between stable and unstable layers. The computational box has horizontal dimensions Lx = Ly = W . See
Figure 1 for the calculation domain. Panels (a), (b) and (c) show 3D, top and side views, respectively. The
dashed lines in panel (c) denote the interfaces between the stable and unstable zones, i.e., the coordinates
z1 and z2. The setup is similar to that developed by Nordlund et al. (1992) and Brandenburg et al. (1996),
and used recently in, e.g., Ossendrijver et al. (2001, 2002) and Käpylä et al. (2004, 2009b).

The basic equations are the fully-compressible MHD equations in the rotating frame of reference with
a constant angular velocity Ω = −Ω0ez (rotation vector is directed upward)

∂ρ

∂t
= −∇ · (ρu) , (2)

Du

Dt
= −∇P

ρ
+

J ×B

ρ
− 2Ω× u+

∇ ·Π
ρ

+ g , (3)

Dϵ

Dt
= −P∇ · u

ρ
+Qheat −

ϵ− ϵ0
τ(z)

, (4)
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ℑ(ω) > 0 ,

↔ Dmod ≡ αkz
∂γ
∂z + ηeffk2z

> 1 ,

2. Simulation Setup and Control Parameters

Convective dynamo systems are solved numerically in Cartesian geometry. The computational domain
comprises three layers: upper isothermal cooling layer (layer 1) of thickness dcool (z0 ≤ z ≤ z1), middle
convective layer (layer 2) of thickness dCZ (z1 ≤ z ≤ z2) and bottom stably-stratified “radiative” layer (layer
3) of thickness dRZ (z2 ≤ z < z3), where the x- and y-axes are taken to be horizontal and z-axis is pointing
downward. The coordinates z0 and z3 denote the upper and lower boundaries of the computational domain,
whereas z1 and z2, which are fixed in this work as z1 = 0.0 and z2 = 1.0, correspond to the boundaries
between stable and unstable layers. The computational box has horizontal dimensions Lx = Ly = W . See
Figure 1 for the calculation domain. Panels (a), (b) and (c) show 3D, top and side views, respectively. The
dashed lines in panel (c) denote the interfaces between the stable and unstable zones, i.e., the coordinates
z1 and z2. The setup is similar to that developed by Nordlund et al. (1992) and Brandenburg et al. (1996),
and used recently in, e.g., Ossendrijver et al. (2001, 2002) and Käpylä et al. (2004, 2009b).

The basic equations are the fully-compressible MHD equations in the rotating frame of reference with
a constant angular velocity Ω = −Ω0ez (rotation vector is directed upward)

∂ρ

∂t
= −∇ · (ρu) , (2)
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✴大局的磁場が成長するための条件：
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ℑ(ω) > 0 ,

↔ Dmod ≡ αkz
∂γ
∂z + ηeffk2z

> 1 ,

Dlocal ≡
α

ηeffkz
> 1 , (2)

2. Simulation Setup and Control Parameters

Convective dynamo systems are solved numerically in Cartesian geometry. The computational domain
comprises three layers: upper isothermal cooling layer (layer 1) of thickness dcool (z0 ≤ z ≤ z1), middle
convective layer (layer 2) of thickness dCZ (z1 ≤ z ≤ z2) and bottom stably-stratified “radiative” layer (layer
3) of thickness dRZ (z2 ≤ z < z3), where the x- and y-axes are taken to be horizontal and z-axis is pointing
downward. The coordinates z0 and z3 denote the upper and lower boundaries of the computational domain,
whereas z1 and z2, which are fixed in this work as z1 = 0.0 and z2 = 1.0, correspond to the boundaries
between stable and unstable layers. The computational box has horizontal dimensions Lx = Ly = W . See
Figure 1 for the calculation domain. Panels (a), (b) and (c) show 3D, top and side views, respectively. The
dashed lines in panel (c) denote the interfaces between the stable and unstable zones, i.e., the coordinates
z1 and z2. The setup is similar to that developed by Nordlund et al. (1992) and Brandenburg et al. (1996),
and used recently in, e.g., Ossendrijver et al. (2001, 2002) and Käpylä et al. (2004, 2009b).
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(ダイナモ数：一般的に知られた計量)

(修正ダイナモ数：先行研究？？)

成長率

振動数

大局的ダイナモの``励起”の話なので	
線形理論で大雑把には理解できるはず：	

大局的ダイナモの励起を支配する物理：ダイナモ数	v.s.,	修正ダイナモ数

（成長率が正）



実験：乱流パンピングがダイナモの励起に及ぼす影響
✴乱流パンピング（γ効果）が励起条件に寄与しているのであれば
	・Ro	=	0.3			のモデル	→	γ効果の項をゼロにすればダイナモが起きるはず	
	・Ro	=	0.66のモデル	→	γ効果の項をゼロにしてもダイナモは起きないはず

✴	乱流γ効果の有無はダイナモの発現に影響
✴	乱流γ効果は	∂　						/∂zに比例する			
　→		強い密度成層下でのダイナモでは重要.

《uz2》

(a1)	Ro	=	0.66	
									[γ効果有り]	

(a2)	Ro	=	0.66	
									[γ効果無し]	
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✴ダイナモに関してはParker (1955)が提唱した乱流α効果が実在することを 
   より一般的な形かつ現実的な条件下で定量的に示しただけとも言える

磁束の集中はパーカー不安定性で説明できるか？

✴この枠組みだけでは垂直磁場の組織化は説明不可 

→ Parkerはパーカー不安定性でダイナモ 
　 生成磁場からの黒点形成を説明する

– 13 –
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(z = 0.08dcz)
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Fig. 5.— (a) The depth-dependences of ⇠ ⌘ (dr/d lnhB
h

i)�1 (solid), ⇣ ⌘ �H
⇢

k2
h

with k
h

= 2⇡/W (dashed)
and k

h

= 2⇡/(W/4) (dash-dotted). (b) 3D snapshot of the magnetic field lines (side and top views) with
the color denoting the strength of the B

z

. The distributions of the B
z

at the cutting planes of the depths
z/d

cz

= 0.08, 0.46 and 0.78 are also visualized.

ξ	=	dlnBh/dr

ζ	=	-	Hρkh2		[kh	=	2π/W]

– 6 –

With focusing on the fastest-growing mode with k
z

= 0, the condition for the onset of the Parker
instability becomes, in the quasi-adiabatic limit,

d lnB
h

dr
< �C2

s

g
0

k2
h

= �H
⇢

k2
h

(⌘ ⇣) , (20)

(e.g., Cheung & Isobe 2014, and references therin), where k
h

is the wavenumber parallel to the horizontal
magnetic field and H

⇢

⌘ �dr/d ln ⇢ = C2

s

/g
0

is the density scale-height. The region satisfying ⇠ < ⇣

thus becomes Parker unstable. The profiles of the ⇣ when assuming k
h

= 2⇡/W (dashed) and 2⇡/(W/4)
(dash-dotted) are also shown in Figure 5a. The unstable condition is fulfilled when k

h

= 2⇡/W in the region
z . 0.3, indicating that the dynamo-sustained magnetic structure should be unstable to the Parker instability
only in the upper CZ. The shorter wavelength mode of � & W/4 is also allowed to grow in the nearer surface
region. The bump of the B

z

-spectrum seen in the range k/k
c

. 4 of Fig.4a would be consistent with the
Parker unstable wavelengths. Overall our results show that the Parker instability is mainly responsible for
the surface magnetic structure formation. It is intriguing that the strong stratification, which yields the
small H

⇢

in the upper CZ, is essential for the Parker unstable state arising.

3D visualization would be helpful to see the coexisting state of the large-scale dynamo and the surface
magnetic structure. Visualized in Figure 5b are the side and top views of the snapshot of the magnetic field
lines with the color denoting the strength of the B

z

when t = 120⌧
cv

. The magnetic field lines at three
di↵erent depths of z

c

/d
cz

= 0.08, 0.47 and 0.78 and the distribution of the B
z

at the corresponding cutting
planes are demonstrated. The field lines are started from random reference points inside a sphere centered
at (x, y, z) = (0, 0, z

c

) with the diameter of 0.15d
cz

and are integrated to forward and backward directions.
The magnetic field lines are almost horizontal in the lower part of the CZ. As they migrate upward, they
start being destabilized in the mid-part of the CZ, and then form loop-like large-scale structures in the upper
CZ. Since the dynamo-sustained horizontal magnetic field has a sheet-like structure rather than the tube-like
structure in our simulation, the magnetic loop is not single, but is multiply formed in the upper CZ.

4. Summary & Discussion

In this Letter, the convective dynamo simulation was performed in the strongly-stratified atmosphere
resembling the solar interior. We reported, for the first time, the spontaneous formation of the large-scale
magnetic structure on the CZ surface self-consistently from the large-scale dynamo by thermal convections.

The large-scale dynamo in the strongly-stratified convection has physical properties similar to those
observed in the weakly-stratified model (see MS14ab): the large-scale horizontal magnetic component was
organized in the bulk of the CZ. While the hB

x

i
h

and hB
y

i
h

showed oscillatory behaviors, the mean hori-
zontal magnetic flux had a quasi-steady structure with the intensity maximum at the mid-part of the CZ.
Since the density scale-height was very small in the upper part of the strongly-stratified CZ, the dynamo-
maintained magnetic structure became unstable to the Parker instability there. As a natural result of the
buoyant emergences of the Parker-unstable magnetic loops, the large-scale surface magnetic structure was
spontaneously formed. Our result suggests that the active region rooted in a relatively-shallow CZ might be
a plausible scenario compatible with the large-scale dynamo in the strongly-stratified convection.

The so-called negative magnetic pressure instability (NEMPI) has been proposed as a mechanism for
the self-assembly of the magnetic flux near the CZ surface (e.g., Kleeorin et al. 1996; Brandenburg et al.

(c.f., Parker 1966)

✴パーカー不安定性の励起条件

パーカー不安定性だとすると成層強度依存性は説明できない



Spontaneous Formation of Surface Magnetic Structure

from Large-scale Dynamo in Strongly-stratified Convection
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ABSTRACT

We report the first successful simulation of spontaneous formations of surface magnetic struc-
tures from a large-scale dynamo by strongly-stratified convections in Cartesian geometry. The
dynamo-generated large-scale magnetic field, which extends over whole the convection zone, or-
ganizes a quasi-steady structure of the horizontal magnetic flux with the maximum intensity at
the mid-part of the convection zone. Since the strong stratification yields a small density scale-
height in the upper convection zone, the dynamo-maintained magnetic flux becomes unstable to
the magnetic buoyancy instability there. As a result of buoyant emergences of unstable magnetic
loops, the surface magnetic structure is spontaneously formed. The active region rooted in a
relatively-shallow convection zone might be a natural consequence of the large-scale dynamo in
the strongly-stratified convection.
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A long-standing goal of the solar interior physics is to reproduce active regions, composed mainly of
the sunspots, self-consistently from magnetic fluxes generated in the solar interior. We now approach the
subject from two di↵erent theoretical perspectives: one focuses on emergence and organization processes
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平均場モデルの3次元への拡張

ただし乱流係数の水平微分はゼロ	[∂hα	=	∂hγ	=	∂hη	]で、垂直変化のみを考慮	
（乱流係数は従来同様に水平平均量から決めている）

✴1次元平均場モデルでは磁場はz方向のみの関数 
　→　3次元性（水平方向の磁場のvariation）を考慮した平均場モデルから 
　　　何かヒントが得られるのでは？
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強密度成層モデル：Movie

@対流層中部

@対流層上部 @対流層最上部

垂直磁場の自発的組織化
垂直磁場構造が対流層の上部で成長	
　→　時間の経過とともに組織化

黒点状構造が対流層上部に自然に形成される.	定量的にも矛盾無し.

(Nx×Ny×Nz = 16×16×256)
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※簡単のためα効果を無視する	(α2のダイナモに対して安定な状態)
強密度成層モデル：Movie垂直磁場の自発的組織化を引き起こすのは何か？
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We report the first successful simulation of spontaneous formations of surface magnetic struc-
tures from a large-scale dynamo by strongly-stratified convections in Cartesian geometry. The
dynamo-generated large-scale magnetic field, which extends over whole the convection zone, or-
ganizes a quasi-steady structure of the horizontal magnetic flux with the maximum intensity at
the mid-part of the convection zone. Since the strong stratification yields a small density scale-
height in the upper convection zone, the dynamo-maintained magnetic flux becomes unstable to
the magnetic buoyancy instability there. As a result of buoyant emergences of unstable magnetic
loops, the surface magnetic structure is spontaneously formed. The active region rooted in a
relatively-shallow convection zone might be a natural consequence of the large-scale dynamo in
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A long-standing goal of the solar interior physics is to reproduce active regions, composed mainly of
the sunspots, self-consistently from magnetic fluxes generated in the solar interior. We now approach the
subject from two di↵erent theoretical perspectives: one focuses on emergence and organization processes
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✴平面波（B	∝	exp[i(kxx+kyy+kzz	-	ωt)]）で展開すると
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A long-standing goal of the solar interior physics is to reproduce active regions, composed mainly of the
sunspots, self-consistently from magnetic fluxes generated in the solar interior. We now approach the subject
from two di↵erent theoretical perspectives: one focuses on emergence and organization processes of the
magnetic flux in the uppermost part of the convection zone (CZ), and the other explores the flux generation
and maintenance processes, i.e., the dynamo process, operating deeper down.

Several leading-edge numerical studies, which focus on the uppermost part of the solar CZ, have suc-
ceeded to simulate the spontaneous formation of concentrated magnetic structures reminiscent of active
regions (e.g., Cheung et al. 2010; Stein & Nordlund 2012; Rempel & Cheung 2014; Käpylä et al. 2015). In
these studies, the solar surface convection and its nonlinear interaction with the magnetic field were simu-
lated in a more or less realistic manner with the steep density gradient just below the photosphere and/or
the radiative transfer with the ionization in Cartesian domains. However, since some sort of the large-scale
seed magnetic field has been assumed inconsistently as initial or boundary condition, the dynamo mechanism
and its connection to the formation process of the active region were beyond the scope of these studies.

A growing body of evidence is accumulating to demonstrate that solar-like cyclic large-scale magnetic
field is organized in global spherical-shell convections (e.g., Ghizaru et al. 2010; Käpylä et al. 2012; Masada
et al. 2013; Yadav et al. 2015; Augustson et al. 2015). Despite some di↵erences in the numerical setup
and method, there is a common outcome of the convective dynamo in these studies: di↵use magnetic flux
extending over the CZ and/or the tachocline instead of the magnetic flux tube expected in the standard
solar dynamo paradigm (e.g., Charbonneau 2010, and references therein). Although the flux emergence like
event from distributed magnetic flux has been occasionally observed in some models (Nelson et al. 2013; Fan
& Fang 2014), its universality or feasibility in the Sun is still a matter of considerable debate.

There is still a large gap between the dynamo in the interior and the active region formation at the
surface. Our study in this Letter would be a first step aiming to bridge the gap between them. By advancing
our previous works of weakly-stratified MHD convection (Masada & Sano 2014a,b, hereafter MS14a,b),
we perform convective dynamo simulation in a strongly-stratified atmosphere resembling the solar interior
in Cartesian geometry. The spontaneous formation of large-scale magnetic structures in the CZ surface
self-consistently from the large-scale dynamo is reported.

2. Numerical setup

Convective dynamo system is solved numerically in Cartesian domain. Our model covers only the CZ
of depth d

cz

(0  z  d
cz

) with omitting a stably-stratified layer below it, where the x- and y-axes are taken
to be horizontal and z-axis is pointing downward. We set the width of the domain to be W = 4d

cz

, allowing
the growth of larger scale magnetic structures than convective cells.

We solve the fully-compressible MHD equations in the rotating frame of reference with a constant
angular velocity of ⌦ = �⌦

0

e
z

,

@⇢

@t
= �r · (⇢u) , (10)

Bx,	By,	Bzを消去して・・・・
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A long-standing goal of the solar interior physics is to reproduce active regions, composed mainly of the
sunspots, self-consistently from magnetic fluxes generated in the solar interior. We now approach the subject
from two di↵erent theoretical perspectives: one focuses on emergence and organization processes of the
magnetic flux in the uppermost part of the convection zone (CZ), and the other explores the flux generation
and maintenance processes, i.e., the dynamo process, operating deeper down.

Several leading-edge numerical studies, which focus on the uppermost part of the solar CZ, have suc-
ceeded to simulate the spontaneous formation of concentrated magnetic structures reminiscent of active
regions (e.g., Cheung et al. 2010; Stein & Nordlund 2012; Rempel & Cheung 2014; Käpylä et al. 2015). In
these studies, the solar surface convection and its nonlinear interaction with the magnetic field were simu-
lated in a more or less realistic manner with the steep density gradient just below the photosphere and/or
the radiative transfer with the ionization in Cartesian domains. However, since some sort of the large-scale
seed magnetic field has been assumed inconsistently as initial or boundary condition, the dynamo mechanism
and its connection to the formation process of the active region were beyond the scope of these studies.

A growing body of evidence is accumulating to demonstrate that solar-like cyclic large-scale magnetic
field is organized in global spherical-shell convections (e.g., Ghizaru et al. 2010; Käpylä et al. 2012; Masada
et al. 2013; Yadav et al. 2015; Augustson et al. 2015). Despite some di↵erences in the numerical setup
and method, there is a common outcome of the convective dynamo in these studies: di↵use magnetic flux
extending over the CZ and/or the tachocline instead of the magnetic flux tube expected in the standard
solar dynamo paradigm (e.g., Charbonneau 2010, and references therein). Although the flux emergence like
event from distributed magnetic flux has been occasionally observed in some models (Nelson et al. 2013; Fan
& Fang 2014), its universality or feasibility in the Sun is still a matter of considerable debate.

There is still a large gap between the dynamo in the interior and the active region formation at the
surface. Our study in this Letter would be a first step aiming to bridge the gap between them. By advancing
our previous works of weakly-stratified MHD convection (Masada & Sano 2014a,b, hereafter MS14a,b),
we perform convective dynamo simulation in a strongly-stratified atmosphere resembling the solar interior
in Cartesian geometry. The spontaneous formation of large-scale magnetic structures in the CZ surface
self-consistently from the large-scale dynamo is reported.

2. Numerical setup

Convective dynamo system is solved numerically in Cartesian domain. Our model covers only the CZ
of depth d

cz

(0  z  d
cz

) with omitting a stably-stratified layer below it, where the x- and y-axes are taken
to be horizontal and z-axis is pointing downward. We set the width of the domain to be W = 4d

cz

, allowing
the growth of larger scale magnetic structures than convective cells.

kz0	=	2π/d	
kh0	=	2π/W

・赤線部は∂xB	=	∂yB		=	0の場合でも得られる	
　α2ダイナモモードの分散関係式の``α	=	0の場合”	に対応
・青線部は∂x	≠	∂y	≠	0	の結果が分散関係式に現れた部分.	この部分は∂zη	=		∂zγ	=	0の	
　時は減衰解を与える.	非ゼロの∂zηと∂zγを考慮した場合の青線部の振る舞いが以下：

高さhが大きな領域（対流層上部）で不安定なモードが存在	
→	Bzの成長を与える不安定性（これまで知られていない不安定性）

強密度成層モデル：Movie3次元平均場方程式から求まる分散関係
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　の成長を自然に説明
・分散関係式でkz	→	0の極限	
　をとって不安定条件を求めると

Spontaneous Formation of Surface Magnetic Structure

from Large-scale Dynamo in Strongly-stratified Convection

Youhei MASADA1, and Takayoshi SANO2

ABSTRACT

We report the first successful simulation of spontaneous formations of surface magnetic struc-
tures from a large-scale dynamo by strongly-stratified convections in Cartesian geometry. The
dynamo-generated large-scale magnetic field, which extends over whole the convection zone, or-
ganizes a quasi-steady structure of the horizontal magnetic flux with the maximum intensity at
the mid-part of the convection zone. Since the strong stratification yields a small density scale-
height in the upper convection zone, the dynamo-maintained magnetic flux becomes unstable to
the magnetic buoyancy instability there. As a result of buoyant emergences of unstable magnetic
loops, the surface magnetic structure is spontaneously formed. The active region rooted in a
relatively-shallow convection zone might be a natural consequence of the large-scale dynamo in
the strongly-stratified convection.

Subject headings: convection – magnetohydrodynamics (MHD) – Sun: magnetism –sunspots
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Spontaneous Formation of Surface Magnetic Structure

from Large-scale Dynamo in Strongly-stratified Convection
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ABSTRACT

We report the first successful simulation of spontaneous formations of surface magnetic struc-
tures from a large-scale dynamo by strongly-stratified convections in Cartesian geometry. The
dynamo-generated large-scale magnetic field, which extends over whole the convection zone, or-
ganizes a quasi-steady structure of the horizontal magnetic flux with the maximum intensity at
the mid-part of the convection zone. Since the strong stratification yields a small density scale-
height in the upper convection zone, the dynamo-maintained magnetic flux becomes unstable to
the magnetic buoyancy instability there. As a result of buoyant emergences of unstable magnetic
loops, the surface magnetic structure is spontaneously formed. The active region rooted in a
relatively-shallow convection zone might be a natural consequence of the large-scale dynamo in
the strongly-stratified convection.
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・恐らくこの条件が強密度成層下では自然に満たされる（理由は現在考え中）
・太陽対流層最上部はさらに強い成層

→	さらに集中した磁束が期待　→	黒点形成を自然に説明
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A long-standing goal of the solar interior physics is to reproduce active regions, composed mainly of the
sunspots, self-consistently from magnetic fluxes generated in the solar interior. We now approach the subject
from two di↵erent theoretical perspectives: one focuses on emergence and organization processes of the
magnetic flux in the uppermost part of the convection zone (CZ), and the other explores the flux generation
and maintenance processes, i.e., the dynamo process, operating deeper down.

Several leading-edge numerical studies, which focus on the uppermost part of the solar CZ, have suc-
ceeded to simulate the spontaneous formation of concentrated magnetic structures reminiscent of active
regions (e.g., Cheung et al. 2010; Stein & Nordlund 2012; Rempel & Cheung 2014; Käpylä et al. 2015). In
these studies, the solar surface convection and its nonlinear interaction with the magnetic field were simu-
lated in a more or less realistic manner with the steep density gradient just below the photosphere and/or
the radiative transfer with the ionization in Cartesian domains. However, since some sort of the large-scale
seed magnetic field has been assumed inconsistently as initial or boundary condition, the dynamo mechanism
and its connection to the formation process of the active region were beyond the scope of these studies.

A growing body of evidence is accumulating to demonstrate that solar-like cyclic large-scale magnetic
field is organized in global spherical-shell convections (e.g., Ghizaru et al. 2010; Käpylä et al. 2012; Masada
et al. 2013; Yadav et al. 2015; Augustson et al. 2015). Despite some di↵erences in the numerical setup
and method, there is a common outcome of the convective dynamo in these studies: di↵use magnetic flux
extending over the CZ and/or the tachocline instead of the magnetic flux tube expected in the standard
solar dynamo paradigm (e.g., Charbonneau 2010, and references therein). Although the flux emergence like
event from distributed magnetic flux has been occasionally observed in some models (Nelson et al. 2013; Fan
& Fang 2014), its universality or feasibility in the Sun is still a matter of considerable debate.

There is still a large gap between the dynamo in the interior and the active region formation at the
surface. Our study in this Letter would be a first step aiming to bridge the gap between them. By advancing
our previous works of weakly-stratified MHD convection (Masada & Sano 2014a,b, hereafter MS14a,b),
we perform convective dynamo simulation in a strongly-stratified atmosphere resembling the solar interior
in Cartesian geometry. The spontaneous formation of large-scale magnetic structures in the CZ surface
self-consistently from the large-scale dynamo is reported.

2. Numerical setup

Convective dynamo system is solved numerically in Cartesian domain. Our model covers only the CZ
of depth d

cz

(0  z  d
cz

) with omitting a stably-stratified layer below it, where the x- and y-axes are taken
to be horizontal and z-axis is pointing downward. We set the width of the domain to be W = 4d

cz

, allowing
the growth of larger scale magnetic structures than convective cells.

✴弱密度成層モデルで表面磁場構造が成長しない理由を説明

σ m
ax
/η
(k
)k

z0
2

対流安定層 対流安定層

赤線部の解

青線部の解
対流層

弱密度成層モデルの場合、対流層全域で	
この不安定性の成長率はゼロ

Height	(h/d)

不安定性の最大成長率の高さ依存性（弱密度成層モデル）		

for	UNSTABLE



まとめ

✴太陽磁場の3つの特徴：

①大局性
②収束性
③周期性

Q1.	乱対流層において極性反転をともなう	
　			大局的磁場を生み出す物理を理解する
Q2.	磁束の集中（~黒点）の物理機構は何か？

✴未解決問題：
・成層強度に依らず乱流α効果が	
　大局的磁場の生成を主に担う	
・ダイナモの励起にはγ効果の	
　勾配も重要：修正ダイナモ数

Answer	to	Q1

・3次元的に励起される``新種の不安定性”が対流層上部で自発的に	
　磁場の垂直成分を成長させ,	組織化する（γ効果の勾配が重要）.		

Answer	to	Q2

・不安定条件：(∂zγ)ηt	-	(∂zηt)γ		>		0	[恐らく成層強度が強い場合は自動的に満たされる?]		

？

もっと強い対流層最上部の成層	
を考えればもっと強く収束する(はず)

・あとは細かい議論？？
・観測的にどう検証？？
ここから定量的に理解するフェーズへ



BH降着円盤系への応用・展望



この研究会に参加して

感想：BH磁気圏の大局的磁場の構造への理解が不足
（天文学へのapplicationを視野に入れるなら）

✴大局的磁場の起源：
①化石磁場説：どっかよそから持ってくる

②ダイナモ説：降着円盤内で作られる	

・太陽・恒星ダイナモからの示唆：ロスビー数が磁場強度・構造を決める
・降着円盤	=	低ロスビー数のシステムの極限（星も円盤も一緒）	
　　　　　　　		→	考慮すべき物理に何かしらの不連続が無い限り・・・	
																																		　大局的磁場が自励できないはずがない	(少なくともMHDは連続)

→	こっちの方が圧倒的にインパクトは高い	
　強い制約：「天文学」の理解の深化にもより貢献

「②ダイナモ説」を支持する証拠・根拠はあるか？

→	磁気圏の磁場は（ほとんど）何でもアリ.	本当？？？

→	円盤のタイプに応じて固有の磁気圏構造

・証拠は無い
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Fig. 10.— Mean helicity defined by H
ave

⌘ (|H
N

|+ |H
S

|)/2 (red circles) and ratio ✏M/✏K (blue diamonds)
as a function of the Rossby number (Ro) for the basic MHD runs.
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dotted-line corresponds to the equator. The dashed curve denotes the interface between the convection and
radiative zones. The upper three models have the anti-solar type DR and the lower three models have the
solar-type DR.
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４．４ MHDダイナモ機構のロスビー数依存性
４．４．１ 差動回転分布とダイナモへのロスビー数の影響
ロスビー数は慣性力とコリオリ力の比である．よって，

ロスビー数が小さな系ほど流体運動の自転軸への束縛が強

くなり対流の非等方性が強くなる．運動学的ヘリシティ

（以降ではヘリシティに簡略）や乱流レイノルズ応力は流

れの非等方性に起因するため，回転球殻熱対流系の差動回

転分布やダイナモはロスビー数に依存すると期待される．

以下では，筆者らの回転球殻MHD熱対流計算の成果を

紹介する［４０］．太陽内部を模擬した対流層と放射層からな

るモデル（ただし現実の太陽と比べて弱い密度成層を仮

定）で，系の自転角速度（!）をパラメータに，差動回転分
布とダイナモのロスビー数依存性を調べた研究である．

まず，系の差動回転分布を見ていこう．差動回転の度合

いのロスビー数依存性を示したのが図６（a）である．ここ
では差動回転の度合い（!"!）を以下のように定義している："!"!#"!#$#"!$ （２）

ここで!#"!#は赤道面での平均流の方位角成分である．"!
が正の時，回転分布は赤道加速型（太陽型）であり，負の

時は赤道減速型（反太陽型）である．図の点線から上が太

陽型回転分布をもつモデル，下が反太陽型回転分布をもつ

モデルに対応する．太陽型，反太陽型回転分布をもつ典型

的なモデルの子午面角速度分布を図６（b）と６（c）に示す
（黒が高速，白が低速回転を表す）．それぞれ$%%&%'（６b）
と$%%'（６c）に対応するモデルである．図６（b）の白の実
線，図６（c）の黒の実線が等角速度線を表す．
図６（a）より$%&(で差動回転分布が太陽型（$%! 1）か
ら反太陽型（$%" 1）に遷移することがわかる．差動回転
分布を決めているのは，乱流レイノルズ応力による角運動

量輸送（赤道向き）と，子午面流（平均流）による角運動

量輸送（極向き）である．前者が支配的な系では太陽型回

転分布になり，後者が支配的な系では反太陽型になる．大

雑把にはこれら２つの角運動量輸送過程の強弱が逆転する

のが，臨界値（$%&(）付近であると考えればよい．
興味深いのは，臨界値近傍が最も強い差動回転を与える

点である．これは回転軸に垂直な方向（円柱座標の動径方

向）への実効的な角運動量輸送が$%&(で最大になるため
だと考えられる（つまり，$%'(のレジームでは流体運動

が回転軸に強く束縛されるため回転軸に沿った方向にしか

角運動量は分配されない．一方，$%((のレジームでは対
流の非等方性が弱いため角運動量輸送効率も低い）．

次に，ロスビー数の違いがダイナモに及ぼす影響を見て

いこう．代表的な３つのモデルの対流層上部における##
成分の方位角平均量の時間‐緯度図を図７に示す．（a）が反
太陽型回転分布をもつモデル（Model A），（b）と（c）が太

陽型回転分布をもつモデル（Model BとC）に対応する（両

者のロスビー数には違いがあり，Model B は$%"&%')，
Model Cは$%"&%(である）．白が正極性，黒が負極性の磁
場を表す．

磁場の時空間構造にはロスビー数の違いが顕著に現れ

る．反太陽型回転分布をもつModel A では，時間準定常な

大局的磁場が形成される．一方，太陽型回転分布をもつモ

デル（Model BとC）では，極性反転をともなう大局的磁場

が形成される．太陽型回転分布をもつ２つのモデルを比較

すると，ロスビー数が小さいほど磁場の極性反転に顕著な

周期性が現れ，磁場強度も大きくなっていることがわか

る．高々数倍の違いだが，$%が 0.35（Model B）から 0.1
（Model C）に減少するだけで，磁場は顕著な時空間コヒー

レンスを示すようになるのである．

この結果は，前節で示した他のグループの最近のMHD

ダイナモの研究成果［３５‐３８］（現実の太陽で想定されるより

若干小さなロスビー数の系を実現することで，極性反転を

ともなう大局的磁場が形成される）と整合的である．では，

ダイナモ生成磁場の性質は，なぜロスビー数に依存して変

化するのだろうか？次節では，時空間コヒーレンスの高い

磁場が生成される条件について考察する．

４．４．２ 鍵は差動回転の強さか？ヘリシティの大きさか？!効果や乱流"効果などのよく知られたダイナモ効果を
想定すると，「差動回転（"!効果の強さの指標）が強く，
かつヘリシティ（＝乱流"効果の強さの指標）が大きなモ

図７ B#の方位角平均量の時間‐緯度進化図（対流層上部）．（a）
が反太陽型回転分布をもつModel A，（b）が臨界ロスビー
数近傍の太陽型回転分布をもつModel B，（c）が臨界値よ
りも一桁小さなロスビー数の太陽型回転分布をもつModel
Cの時間‐緯度進化図である．白が正極性，黒が負極性の磁
場を表す．

図６ （a）差動回転パラメータ"eのロスビー数依存性．（b）は Ro
が小さいレジームで実現される太陽型の差動回転分布．
（c）は Roが大きいレジームで実現される反太陽型の差動回
転分布．色は黒が高速回転，白が低速回転を表す．

Lecture Note 4. Solar Dynamo Modeling - Current Status and Future Perspective‐ Y. Masada

６８７

低ロスビー数の極限でのダイナモで期待されること

赤道反対称なヘリシティ分布	
→	強い半球間ヘリシティ勾配	
→	乱流α効果に起因したダイナモ	
→	極性反転をともなう強い大局的磁場
		（その結果として(c)のタイプの蝶形図）

(c)(b)(a)

✴太陽・恒星ダイナモ研究から	
			予想される降着円盤ダイナモの性質



降着円盤ダイナモ	-	バタフライダイアグラムとヘリシティ	-	

Mean-field approach to stratified MRI 43

Figure 1. Space–time evolution of the horizontally averaged radial field
B̄x (z, t), azimuthal field B̄y (z, t) and magnetic α effect (cf. Section 4.1).
The colour coding is normalized by the vertical rms amplitude at any given
time to remove the stochastic fluctuations in the overall field strength and
highlight the coherent pattern.

field, the structures in the space–time diagram are much more fil-
amentary (also cf. fig. 7 in Davis et al. 2010). One is tempted
to identify the cycle from the blue and yellow lines, but this is
misleading. When looking at a slice at constant time t, these pro-
nounced streaks partly exhibit a bipolar structure in the vertical
direction rather than a cyclic behaviour in time. At a given time,
these streaks are somewhat reminiscent of MRI channel modes. In
fact, the first ones directly emerge out of the initial linear growth
phase. It remains open whether such features survive at realistic
magnetic Reynolds numbers, Rm. Ignoring the high contrast fea-
tures, the same cycle as in By becomes visible in red and orange
colours.

Currently, there exist two scenarios which try to explain these
characteristic field patterns: on the one hand, it has been speculated
that the origin of these upward motions is buoyant rise due to Parker-
unstable toroidal fields (see e.g. Miller & Stone 2000). Alternatively,
Brandenburg et al. (1995) have suggested the presence of an α"

type mean-field dynamo, which can produce patterns that travel
away from the mid-plane if the αyy component of the dynamo tensor
is negative.

In a recent analysis, Shi et al. (2010) show that, several scale-
heights H away from the mid-plane, the undulatory Parker in-
stability is responsible for the upward magnetic motions. Near
the mid-plane, however, they find the flow to be buoyantly
stable.

In the subsequent analysis, we will show by means of a simple
experiment that the field patterns near the mid-plane are affected by
a turbulent electromotive force (EMF). Only beyond ∼1.5 H does
the bulk motion of the fluid become the dominant transport process.

Figure 2. Reconstruction of B̄x (z, t) from equation (1), using space–time
profiles of E(z, t) and ūz(z, t) stored from the simulation (upper panels, left:
original, right: reconstructed). By individually discarding the two induction
terms, we investigate the origin of the upward motions (lower panels, left:
effect of mean flow, right: effect of turbulent EMF). Near the mid-plane, the
field patterns are evidently due to the EMF. Buoyancy becomes dominant
above z ∼ 1.5H .

3.1 Mean-field description

For a differentially rotating medium, the mean-field induction equa-
tion of resistive MHD in the local Hill system reads

∂t B = ∇ ×
[

u × B + u′ × B′ + (q"x ŷ) × B − η∇ × B
]

, (1)

with η the molecular diffusivity, and where overbars denote hori-
zontal averages, and primes denote the corresponding fluctuations
in the fluid velocity u, and magnetic field B. The shear parameter q
takes the value of –3/2 for the case of a Keplerian rotation profile.

We want to stress that this formulation does not make any closure
assumptions, which means equation (1) is exact.2 The effect of
the turbulence on the mean field is expressed by the correlation
E = u′ × B′, i.e. the mean of the cross product of the fluctuating
velocity and magnetic field.

In the upper two panels of Fig. 2, we demonstrate that the col-
lapsed profiles Ey(z, t) and ūz(z, t) contain all the information to
restore the mean radial field via equation (1), more specifically

∂t B̄x = ∂z [ūz(z, t)B̄x + Ey(z, t) − η∂zB̄x] . (2)

This implies that (in our 1D approach) only ∂zEy is relevant to
sustain B̄x – note that on the contrary Davis et al. (2010) find
indications that ∂yEz may also play a role in replenishing the radial
field. This does, however, not seem to have an effect on horizontally
averaged quantities.

Since ∂t B̄y is dominated by stretching of the radial field via the
shear term, we focus on the reconstruction of B̄x , where only the first
two terms in equation (2) act as sources. By individually discarding
these terms, we examine their effect on the observed field pattern. If
the turbulent EMF is omitted (third panel in Fig. 2), the initial field
decays. Field advection is only apparent away from the mid-plane,
which is consistent with the results of Shi et al. (2010). If, on the

2Given the cross terms u′ × B and u × B′ vanish, which is the case if
the chosen averages comply with the Reynolds rules (idempotence of the
averaging operator, vanishing means of fluctuations) as is trivially fulfilled
for arithmetic averages.
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44 O. Gressel

other hand, we suppress the mean fluid motion u and only consider
u′ × B′ (fourth panel in Fig. 2), we can still accurately reconstruct
the rising field structures near the mid-plane.

Away from the mid-plane, this approach is, of course, inconsis-
tent, and we would have to advect E(z, t) with −u to match it with
B in a Lagrangian sense. The resulting grooves are again reminis-
cent of MRI channel modes. In this respect, the scale separation is
blurred as one would naturally attribute such a small-scale effect to
the fluctuating field.

4 TOWA R D S A PO S S I B L E AC C R E T I O N
DISC DYNAMO

In the following, we set out to describe the cyclic behaviour in a more
generalized way, i.e. without a need for the time-dependent EMFs
from the direct simulations. To do so, we need to apply a closure
model to equation (1). This is typically done in the form of constant
parameters which express the turbulent EMF in terms of the mean
field and its gradients. The introduced abstraction is analogous to
the α viscosity for the accretion stresses and subsumes the effects of
unresolved scales. Ultimately, the universality of these parameters
(or rather, their scaling with respect to the relevant dimensionless
numbers) needs to be probed. As a first approach, we here apply
a formulation which only retains vertical derivatives (Brandenburg
2005):

E i = αij B̄j − η̃ijεjkl∂kB̄l , i, j ∈ {x, y} , k = z . (3)

If we substitute this closure into the mean-field induction equa-
tion (1), we obtain the standard α$ dynamo model, where the
diagonal elements of the α tensor give rise to a feedback loop en-
abling exponential field amplification. In more detail, αyy describes
the generation of poloidal field from toroidal field via Ey = αyyB̄y .
Because of the dominant shear term in the azimuthal field equation,
αxx is usually subdominant for the operation of an α$ type dynamo.
Note, however, that the generation of azimuthal fields (of vertical
wavenumber kz) is regulated by a term (αxx kz + q$), such that the
radial α effect can provide a saturation mechanism. We remark that
this is potentially interesting in view of the shear rate-dependence
of the Maxwell-to-Reynolds stress ratio (Pessah, Chan & Psaltis
2006b).

Neglecting the second term in equation (3), a simple approx-
imation to αyy can be made by measuring the correlation be-
tween B̄y and Ey . This has now been done by various authors
(Brandenburg et al. 1995; Ziegler & Rüdiger 2001; Brandenburg &
Sokoloff 2002; Davis et al. 2010), who find a negative (positive)
value for α in the top (bottom) half of the box. Brandenburg et al.
(1995) remark that this effect has the wrong sign with respect to
what would be expected from quasi-linear theory in the case of
stratified rotating turbulence (Rüdiger & Kitchatinov 1993, here-
after RK93). This has later been explained in terms of magnetic
buoyancy (Brandenburg 1998), and the idea was subsequently con-
firmed by Rüdiger & Pipin (2000). In the course of the following
analysis, we further elucidate this discrepancy by showing that there
exist two distinct indirect dynamo mechanisms.

4.1 Kinetic and magnetic torsality

Quasi-linear theory (Krause & Rädler 1980) states that for isotropic
homogeneous turbulence there exists a kinematic α effect

αkin = −1
3
τc u′ · curl(u′) . (4)

Figure 3. Helical α effect based on the current helicity (light grey) and
kinetic helicity (dark grey). Both quantities are highly fluctuating in time
but show a systematic average which follows the shape (dashed line) of the
effect predicted for stratified, rotating turbulence by RK93.

This term is derived from a closure in the induction equation to
obtain an approximation for ∂tEkin = u′ × ∂t B′, and describes the
leading-order effect of an imposed helical velocity field. As such,
the kinematic α neglects any feedback due to the magnetic field
itself. Considering the effect of the Lorentz force in the momentum
equation, Pouquet, Frisch & Leorat (1976) derive a similar term
for ∂tEmag = −B′ × ∂t u′, which leads to an analogous magnetic
α effect proportional to the current helicity density hmag =B′ · curl
(B′)/µ0 of the small-scale field,

αmag = 1
3
τc u′

A · curl(u′
A) , (5)

where u′
A = B′/

√
µ0 ϱ is the fluctuation Alfvén velocity. Ap-

proaching equipartition field strength, both terms are equally im-
portant and add-up to an effective α = αkin + αmag. It is now a com-
mon notion in dynamo theory that αkin takes the role of the driver,
while αmag describes a non-linear response, building up gradually
and ultimately quenching the kinematically imposed forcing. This
process is a consequence of the conservation of magnetic helicity
and was termed dynamical quenching (Blackman & Brandenburg
2002). However, see Courvoisier, Hughes & Proctor (2010) for an
alternative method with a more symmetric treatment of the mo-
mentum and induction equations. While such an approach might be
necessary in the presence of a magnetic instability, we believe that
the secondary large-scale dynamo effects are well described by the
dynamical quenching formalism.

In Fig. 3, we plot time averaged profiles for the two quantities
defined in equations (4) and (5) – also see the lower panel of Fig. 1.
Both torsalities are dominated by strong rms fluctuations but show
a systematic residuum if averaged over times long compared to the
cycle period. The magnetic term dominates and strikingly shows
exactly the shape that is expected for stratified rotating turbulence
(RK93):

αRK93 = −τ 2
c $ u′2('ρ ∇ log ρ + 'u ∇ log u′) , (6)

with rotational quenching functions 'ρ($̂) and 'u($̂), weakly
depending on the Coriolis number $̂ = 2τc$ of the flow.3 Because
of the excellent agreement, we attribute this positive α effect to a
Parker-type instability. While we find the sign of αmag to be robust
in all our simulations, the sign of αkin curiously shows no preference
for the aligned or anti-aligned state.

To fix the free parameter in equations (4) and (5), we
roughly estimate τ c from a fit to the quasi-linear approximation

3For fast rotation, turbulence becomes anisotropic along the axis of rotation.
This is however a minor effect in disc systems where $̂ < 1.
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✴Gressel	(2010)	

✴Shi,	Krolik	&	Hirose	(2010)	
カー不安定性の非線形成長によって磁気ループが浮上を続

け，円盤から磁束が失われる．円盤内部には流出した磁束

と逆向きの磁場が残り，この磁場が磁気回転不安定性に

よって強められることによって円盤内部の方位角磁場方向

が反転する．このように磁気回転不安定性とパーカー不安

定性の相乗作用により，準周期的なダイナモが発生する．

５．４．３ 円盤ダイナモのバタフライダイヤグラム
円盤ダイナモの３次元磁気流体シミュレーションによっ

て見出された磁場反転は太陽における１１年周期の黒点数の

増減や磁場方向の反転と類似した現象である．赤道面対称

性を仮定せずに実施したシミュレーション結果［１４］を図１２
に示す．メッシュ数は!!"!!"!!#"#!!"#!$!%!&'#"とした．
左図は密度分布と磁力線（実線），右図は横軸に時間，縦軸

に赤道面からの高さをとり，方位角方向の平均磁場を濃淡

であらわした図であり，太陽黒点変動のバタフライダイヤ

グラムに対応する．円盤内部で強められた磁場が次々と円

盤ハローに浮上し，このような磁束流出に伴って方位角磁

場の向きが反転，この逆向きの磁場が再び強められて円盤

ハローに浮上する過程が繰り返されている．磁場の反転周

期は円盤の１０回転時間程度，この時間は磁気回転不安定性

によって磁場が強められ，パーカー不安定性による磁束浮

上条件を満たすようになる時間スケールである．同様な周

期的な方位角磁場の反転は降着円盤の３次元磁気流体シ

ミュレーションでも発生している（たとえば［１５］）．

５．４．４ 全天のファラデー回転量度分布
銀河ガス円盤の磁気流体シミュレーション結果を銀河系

内における太陽の位置から「観測」することにより，全天

のファラデー回転量度分布等を求めることができる．図１３
に，町田らのシミュレーション結果に基づいて求めた$#4.8 Gyr におけるファラデー回転量度の分布［１４］を示
す．この計算ではファラデー回転量度の分布は銀河面に関

して反対称，銀河中心に関して点対称になっており，観測

結果［１６］とよく一致する．銀河面に関する磁場の反対称性

は双極磁場が卓越していることを示唆するが，図１２からは
赤道面に関する対称性は時間依存していることがわかる，

双極磁場，４重極磁場のいずれが卓越するかについてはさ

らに長いタイムスケールの計算が必要である．

５．５ 今後の課題
本章では，銀河ダイナモの理論シミュレーション研究，

特に大局的な３次元磁気流体シミュレーションによる大ス

ケール磁場の時間発展の計算結果を紹介した．今後は１万

度の星間ガスを扱うことができる高解像度計算を実施して

いく．より小スケールの乱流場を扱うには円盤の一部を取

り出した局所計算やサブグリッドモデル化が必要であろ

う．

銀河の渦状腕が及ぼす影響を調べるには，非軸対称な重

力ポテンシャルを用いた計算が必要になる．高エネルギー

の荷電粒子（宇宙線）を組み込むことも課題として残され

ている．宇宙線は軽い流体として振る舞うため，宇宙線の

存在は浮力を高める効果があり，パーカー不安定性の成長

率を高め，宇宙線が存在しない場合にくらべて，より磁場

が弱い場合でも円盤部から円盤ハローに磁束が流出するこ

とを可能にする．銀河ガス円盤における宇宙線のエネル

ギー密度は磁気エネルギー密度と同程度と見積もられてお

り，円盤内部の磁場の時間発展に影響を及ぼすと考えられ

る．

最近，我々の銀河系の磁場が宇宙背景放射の偏光に及ぼ

す影響が注目されている．これは，宇宙背景放射光の偏光

成分を解析することにより，宇宙が加速度的に膨張したイ

ンフレーション期に発生した原始重力波の証拠を捉えるこ

とができると期待されているためである．全天の偏光分布

が宇宙背景放射観測衛星 Planck 等によって詳細に調べら

れており，銀河系内でのシンクロトロン放射による偏光，

星間ダストによる偏光と宇宙背景放射の偏光を分離する研

究が進められている．これらを通して，銀河系磁場の詳細

な構造が明らかにされつつある．今後は系外銀河周辺の磁

場分布についての知見も得られるようになると期待される．
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図１２ 赤道面対称性を仮定せずに実施した銀河ガス円盤の３次元
磁気流体シミュレーション結果．左図：t ＝ 4.8 Gyrの密度
分布と磁力線（実線）［１４］．右図：バタフライダイヤグラ
ム．横軸は時間，縦軸は赤道面からの高さ．濃淡は
r ＝2.5kpcにおける方位角方向の平均磁場．黒と白の領域で
方位角磁場の向きが異なる．

図１３ 町田らのシミュレーション結果に基づいて計算した太陽位
置からの全天のファラデー回転量度分布［１４］．青い領域と
ピンク色の領域でファラデー回転量度の符号が異なる．
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４．４ MHDダイナモ機構のロスビー数依存性
４．４．１ 差動回転分布とダイナモへのロスビー数の影響
ロスビー数は慣性力とコリオリ力の比である．よって，

ロスビー数が小さな系ほど流体運動の自転軸への束縛が強

くなり対流の非等方性が強くなる．運動学的ヘリシティ

（以降ではヘリシティに簡略）や乱流レイノルズ応力は流

れの非等方性に起因するため，回転球殻熱対流系の差動回

転分布やダイナモはロスビー数に依存すると期待される．

以下では，筆者らの回転球殻MHD熱対流計算の成果を

紹介する［４０］．太陽内部を模擬した対流層と放射層からな

るモデル（ただし現実の太陽と比べて弱い密度成層を仮

定）で，系の自転角速度（!）をパラメータに，差動回転分
布とダイナモのロスビー数依存性を調べた研究である．

まず，系の差動回転分布を見ていこう．差動回転の度合

いのロスビー数依存性を示したのが図６（a）である．ここ
では差動回転の度合い（!"!）を以下のように定義している："!"!#"!#$#"!$ （２）

ここで!#"!#は赤道面での平均流の方位角成分である．"!
が正の時，回転分布は赤道加速型（太陽型）であり，負の

時は赤道減速型（反太陽型）である．図の点線から上が太

陽型回転分布をもつモデル，下が反太陽型回転分布をもつ

モデルに対応する．太陽型，反太陽型回転分布をもつ典型

的なモデルの子午面角速度分布を図６（b）と６（c）に示す
（黒が高速，白が低速回転を表す）．それぞれ$%%&%'（６b）
と$%%'（６c）に対応するモデルである．図６（b）の白の実
線，図６（c）の黒の実線が等角速度線を表す．
図６（a）より$%&(で差動回転分布が太陽型（$%! 1）か
ら反太陽型（$%" 1）に遷移することがわかる．差動回転
分布を決めているのは，乱流レイノルズ応力による角運動

量輸送（赤道向き）と，子午面流（平均流）による角運動

量輸送（極向き）である．前者が支配的な系では太陽型回

転分布になり，後者が支配的な系では反太陽型になる．大

雑把にはこれら２つの角運動量輸送過程の強弱が逆転する

のが，臨界値（$%&(）付近であると考えればよい．
興味深いのは，臨界値近傍が最も強い差動回転を与える

点である．これは回転軸に垂直な方向（円柱座標の動径方

向）への実効的な角運動量輸送が$%&(で最大になるため
だと考えられる（つまり，$%'(のレジームでは流体運動

が回転軸に強く束縛されるため回転軸に沿った方向にしか

角運動量は分配されない．一方，$%((のレジームでは対
流の非等方性が弱いため角運動量輸送効率も低い）．

次に，ロスビー数の違いがダイナモに及ぼす影響を見て

いこう．代表的な３つのモデルの対流層上部における##
成分の方位角平均量の時間‐緯度図を図７に示す．（a）が反
太陽型回転分布をもつモデル（Model A），（b）と（c）が太

陽型回転分布をもつモデル（Model BとC）に対応する（両

者のロスビー数には違いがあり，Model B は$%"&%')，
Model Cは$%"&%(である）．白が正極性，黒が負極性の磁
場を表す．

磁場の時空間構造にはロスビー数の違いが顕著に現れ

る．反太陽型回転分布をもつModel A では，時間準定常な

大局的磁場が形成される．一方，太陽型回転分布をもつモ

デル（Model BとC）では，極性反転をともなう大局的磁場

が形成される．太陽型回転分布をもつ２つのモデルを比較

すると，ロスビー数が小さいほど磁場の極性反転に顕著な

周期性が現れ，磁場強度も大きくなっていることがわか

る．高々数倍の違いだが，$%が 0.35（Model B）から 0.1
（Model C）に減少するだけで，磁場は顕著な時空間コヒー

レンスを示すようになるのである．

この結果は，前節で示した他のグループの最近のMHD

ダイナモの研究成果［３５‐３８］（現実の太陽で想定されるより

若干小さなロスビー数の系を実現することで，極性反転を

ともなう大局的磁場が形成される）と整合的である．では，

ダイナモ生成磁場の性質は，なぜロスビー数に依存して変

化するのだろうか？次節では，時空間コヒーレンスの高い

磁場が生成される条件について考察する．

４．４．２ 鍵は差動回転の強さか？ヘリシティの大きさか？!効果や乱流"効果などのよく知られたダイナモ効果を
想定すると，「差動回転（"!効果の強さの指標）が強く，
かつヘリシティ（＝乱流"効果の強さの指標）が大きなモ

図７ B#の方位角平均量の時間‐緯度進化図（対流層上部）．（a）
が反太陽型回転分布をもつModel A，（b）が臨界ロスビー
数近傍の太陽型回転分布をもつModel B，（c）が臨界値よ
りも一桁小さなロスビー数の太陽型回転分布をもつModel
Cの時間‐緯度進化図である．白が正極性，黒が負極性の磁
場を表す．

図６ （a）差動回転パラメータ"eのロスビー数依存性．（b）は Ro
が小さいレジームで実現される太陽型の差動回転分布．
（c）は Roが大きいレジームで実現される反太陽型の差動回
転分布．色は黒が高速回転，白が低速回転を表す．
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Fig. 11.— Time and azimuthally-averaged kinetic helicity H(r, ✓) for the models MR00625, 025, 030, 050,
060, and 150, respectively. The red and blue tones denote the positive and negative helicity. The black
dotted-line corresponds to the equator. The dashed curve denotes the interface between the convection and
radiative zones. The upper three models have the anti-solar type DR and the lower three models have the
solar-type DR.
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Figure 1. Space–time evolution of the horizontally averaged radial field
B̄x (z, t), azimuthal field B̄y (z, t) and magnetic α effect (cf. Section 4.1).
The colour coding is normalized by the vertical rms amplitude at any given
time to remove the stochastic fluctuations in the overall field strength and
highlight the coherent pattern.

field, the structures in the space–time diagram are much more fil-
amentary (also cf. fig. 7 in Davis et al. 2010). One is tempted
to identify the cycle from the blue and yellow lines, but this is
misleading. When looking at a slice at constant time t, these pro-
nounced streaks partly exhibit a bipolar structure in the vertical
direction rather than a cyclic behaviour in time. At a given time,
these streaks are somewhat reminiscent of MRI channel modes. In
fact, the first ones directly emerge out of the initial linear growth
phase. It remains open whether such features survive at realistic
magnetic Reynolds numbers, Rm. Ignoring the high contrast fea-
tures, the same cycle as in By becomes visible in red and orange
colours.

Currently, there exist two scenarios which try to explain these
characteristic field patterns: on the one hand, it has been speculated
that the origin of these upward motions is buoyant rise due to Parker-
unstable toroidal fields (see e.g. Miller & Stone 2000). Alternatively,
Brandenburg et al. (1995) have suggested the presence of an α"

type mean-field dynamo, which can produce patterns that travel
away from the mid-plane if the αyy component of the dynamo tensor
is negative.

In a recent analysis, Shi et al. (2010) show that, several scale-
heights H away from the mid-plane, the undulatory Parker in-
stability is responsible for the upward magnetic motions. Near
the mid-plane, however, they find the flow to be buoyantly
stable.

In the subsequent analysis, we will show by means of a simple
experiment that the field patterns near the mid-plane are affected by
a turbulent electromotive force (EMF). Only beyond ∼1.5 H does
the bulk motion of the fluid become the dominant transport process.

Figure 2. Reconstruction of B̄x (z, t) from equation (1), using space–time
profiles of E(z, t) and ūz(z, t) stored from the simulation (upper panels, left:
original, right: reconstructed). By individually discarding the two induction
terms, we investigate the origin of the upward motions (lower panels, left:
effect of mean flow, right: effect of turbulent EMF). Near the mid-plane, the
field patterns are evidently due to the EMF. Buoyancy becomes dominant
above z ∼ 1.5H .

3.1 Mean-field description

For a differentially rotating medium, the mean-field induction equa-
tion of resistive MHD in the local Hill system reads

∂t B = ∇ ×
[

u × B + u′ × B′ + (q"x ŷ) × B − η∇ × B
]

, (1)

with η the molecular diffusivity, and where overbars denote hori-
zontal averages, and primes denote the corresponding fluctuations
in the fluid velocity u, and magnetic field B. The shear parameter q
takes the value of –3/2 for the case of a Keplerian rotation profile.

We want to stress that this formulation does not make any closure
assumptions, which means equation (1) is exact.2 The effect of
the turbulence on the mean field is expressed by the correlation
E = u′ × B′, i.e. the mean of the cross product of the fluctuating
velocity and magnetic field.

In the upper two panels of Fig. 2, we demonstrate that the col-
lapsed profiles Ey(z, t) and ūz(z, t) contain all the information to
restore the mean radial field via equation (1), more specifically

∂t B̄x = ∂z [ūz(z, t)B̄x + Ey(z, t) − η∂zB̄x] . (2)

This implies that (in our 1D approach) only ∂zEy is relevant to
sustain B̄x – note that on the contrary Davis et al. (2010) find
indications that ∂yEz may also play a role in replenishing the radial
field. This does, however, not seem to have an effect on horizontally
averaged quantities.

Since ∂t B̄y is dominated by stretching of the radial field via the
shear term, we focus on the reconstruction of B̄x , where only the first
two terms in equation (2) act as sources. By individually discarding
these terms, we examine their effect on the observed field pattern. If
the turbulent EMF is omitted (third panel in Fig. 2), the initial field
decays. Field advection is only apparent away from the mid-plane,
which is consistent with the results of Shi et al. (2010). If, on the

2Given the cross terms u′ × B and u × B′ vanish, which is the case if
the chosen averages comply with the Reynolds rules (idempotence of the
averaging operator, vanishing means of fluctuations) as is trivially fulfilled
for arithmetic averages.
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 by guest on M
arch 2, 2016

http://m
nras.oxfordjournals.org/

D
ow

nloaded from
 

✴Gressel	(2010)	

46 O. Gressel

Figure 5. Dynamo coefficients obtained with the TF method. Ordinate
labels refer to curves plotted in dark (αxx, . . .) or light (αyy, . . .) colours,
respectively. Dashed lines show the mean vertical fluid motion, panel (b),
and the quasi-linear estimate for the diffusion profile, panel(c).

buoyancy of small-scale flux tubes (Brandenburg 1998).4 Even
though the effect is comparatively weak, the negative sign near the
mid-plane determines the overall dynamo mode which is required
to explain the observed direction of propagation (Brandenburg et al.
1995).

Finally, we remark that earlier studies looking at the correlation
between B̄y and Ey were potentially biased towards regions of
strong fields, which is consistent with a negative value for α near
the mid-plane.

4.4 A dynamically quenched dynamo model

If we apply the inferred dynamo profiles to a simple 1D mean-
field model, we can successfully reproduce the main features of the

4Alternatively, this might simply be the cumulative signature of persistent
MRI channel modes (cf. Fig. 4), possibly seen as high-contrast features in
the uppermost panel of Fig. 1.

Figure 6. Dynamo patterns from a dynamically quenched 1D mean-field
model. Quantities shown are B̄x (top), B̄y (middle) and αmag (bottom).

butterfly diagram, as is shown in Fig. 6. Note that our approach
recovers the asymmetry between the radial and azimuthal field seen
in Fig. 1.

Unlike in earlier studies (Brandenburg & Donner 1997;
Brandenburg & Sokoloff 2002), and in addition to mean-field equa-
tions for B̄x(z, t) and B̄y(z, t), we include an equation for αmag(z,
t), the evolution of which is shown in the bottom panel of Fig. 6.
The extra equation is motivated by the dynamical quenching for-
malism, derived by Blackman & Brandenburg (2002) for the case
of sheared turbulence. This formalism is founded on the funda-
mental concept of magnetic helicity conservation. The dynamically
evolved value of αmag(z, t) is, in turn, superimposed to the prescribed
kinematic αkin(z), giving rise to genuinely non-linear behaviour. We
closely follow the approach described in section 2.3 of Brandenburg,
Candelaresi & Chatterjee (2009) and implement their equation (17)
assuming a simple advective helicity flux ∝ αmag(z, t) u(z).

We here want to refrain from describing the related results in
detail as the system develops very complex behaviour for high
magnetic Reynolds numbers and a careful analysis is due. An ex-
tensive study on the transition of the reduced system into chaotic
behaviour seems worthwhile.

We point out that the temporal evolution of αmag already bears
some similarity with its counterpart in the direct simulations (cf.
Fig. 1), and the overall parity agrees. Moreover, there seems to exist
a doubling of the cycle frequency in this quantity, along with a
distinct phase pattern with one polarity prevailing. This intermittent
pattern is likely related to a phase shift between B̄x and B̄y , which
is a hallmark of dynamo-generated fields.

The saturated amplitude of αmag(z, t) is determined by the re-
sponse to the imposed αkin(z). This is in agreement with the am-
plitudes of αmag and αxx in Figs 3 and 5, respectively. Whether this
is the correct direction of causality in real MHD turbulence is as
yet not a clear-cut question (see Blackman & Field 2004 for an
alternative approach).
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✴我々と似た方法で円盤のα2Ωの平均場	
			ダイナモ方程式を解いた結果（右図）	
			→	少なくとも定性的にはDNSを再現

方向の磁場が強められる．この動径方向の磁場から円盤の

差動回転によって方位角方向の磁場が強められる．

５．３．４ 降着円盤の大局的３次元磁気流体シミュレーション
磁気回転不安定性の重要性が指摘されて以来，その非線

形時間発展の３次元磁気流体シミュレーションが複数の研

究グループによって実施され，円盤磁場がどの程度まで強

められるかが調べられてきた（たとえば［７‐９］）．我々のグ

ループで実施した円盤全体を計算領域に含めた大局的な３

次元磁気流体シミュレーションの一例［１０］を図９に示す．
左図は初期状態で，濃淡は密度分布，実線が磁力線を表す．

初期の密度分布は中心天体の重力のもとで角運動量一定で

回転する弱い方位角磁場に貫かれたトーラスの平衡解と

し，トーラスの外側には高温低密度の球対称で回転してい

ない物質分布を仮定した．円筒座標系３次元の磁気流体

コードを用いてトーラスの時間発展を約１０回転時間シミュ

レートした結果を右図に示す．磁気回転不安定性の成長に

よって磁気乱流が生成され，方位角成分に加えて動径成分

を持つ磁場が強められる．また，マクスウェルストレスに

よる角運動量輸送によって角運動量を失った円盤物質が中

心天体に向かって落下し，円盤状の密度分布が得られてい

る．準定常状態に至った状態での磁場の強さは，円盤内部

における磁場散逸（磁気リコネクション）に加えて，パー

カー不安定性による磁束流出によって制限され，!～１０の
状態が維持される［１１］．

５．４ 銀河ダイナモの磁気流体シミュレーション
５．４．１ 大局的３次元磁気流体計算結果
渦状銀河では星とダークマターによる重力場中を星間ガ

スが回転している．回転速度!!""#""!""は中心部を除い
てほぼ一定で，我々の銀河系では約 250 km/s である．こ

のような回転則に従う場合でも磁気回転不安定性が成

長し，磁場が強められる．我々は，観測される銀河系の

回転則を与える軸対称な重力場中を回転するガス円盤の

時間発展を，円筒座標系３次元磁気流体コードを用いて

シミュレートした［１２］．銀河系の多くの部分を占める１万

度の成分の鉛直構造を空間分解するためには数 pc 以下の

メッシュ間隔で計算を行う必要があり，多大な計算時間を

要する．そこで，ガス円盤の温度を１０万度以上に設定し，!#"##$##$"#!!"##$%#&'("メッシュを用い，赤道面対称性
を仮定してシミュレーションを実施した．

初期に弱い方位角磁場に貫かれた"#10 kpc を中心とす
る回転ガス分布を与えて実施したシミュレーション結果を

図１０に示す．図１０（a）の実線は%#3.8 Gyrにおいて赤道面に
投影した磁力線である．方位角方向の平均磁場の強さは

0.1 nT（1 µG）程度，平均磁場と同程度の大きさの乱流磁
場が生成されている．図１０（b），（c）の濃淡は方位角方向に
平均化した方位角磁場分布を示す．矢印は方位角磁場の方

向を示し，黒とグレーの領域で方位角磁場は逆向きにな

る．円盤内部で強められた磁場が円盤表面に浮上し，初期

に磁場がなかった円盤ハロー領域に磁束が輸送されてい

る．この磁束輸送はパーカー不安定性によって駆動され

る．パーカー不安定性の磁気流体シミュレーションから初

期に!%"の場合にはパーカー不安定性は非線形振動を駆
動するだけで磁束は円盤内部に保たれること，!&"にな
ると磁気ループの浮上が続くことがわかっている［１３］．し

たがって!&"となるまで磁場が強められると磁束が円盤
から円盤ハローへと浮上し，円盤部には浮上磁束とは逆向

きの方位角方向の磁束が残される．図１０（c）は（b）から１０億
年後の方位角磁場分布である．円盤から円盤ハローに磁束

が浮上することに伴って円盤内部の方位角方向の平均磁場

の向きが逆転している．

５．４．２ 差動回転円盤における磁気流体ダイナモのメカニ
ズム

図１１に磁気流体シミュレーション結果に基づいた銀河ガ
ス円盤や降着円盤における磁気流体ダイナモの模式図を示

す．初期に弱い磁場があると磁気回転不安定性によって動

径磁場が生成され，差動回転によって方位角磁場が強めら

れる．方位角磁場が増幅されて!が５以下になるとパー

図１０ 銀河ガス円盤の３次元磁気流体シミュレーション結果．
（a）赤道面に投影した磁力線．（b）t ＝ 3.2 Gyrの方位角磁場
分布（濃淡）．矢印は方位角磁場の方向．（c）t ＝ 4.2 Gyrの
方位角磁場分布．

図１１ 差動回転円盤における磁気流体ダイナモの模式図．磁気回
転不安定性によって強められた磁場がパーカー不安定性に
よって浮上した後，円盤内部に残された逆向きの磁場が増
幅される過程が繰り返される．

図９ 初期に弱い方位角磁場に貫かれた回転トーラスの３次元磁
気流体シミュレーション結果．濃淡は密度分布，実線は磁
力線．左図：初期状態．右図：約１０回転後．
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日本で広く信じられ	
ているこの理解は本	
当に大丈夫か？
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α2ダイナモの理論は	
降着円盤系で元々発展

✴	降着円盤内の磁場の進化も乱流係数さえ正しく決めれば	
　平均場ダイナモ方程式で定量記述できる可能性がある



非相対論的輻射磁気流体計算
相対論的効果を無視
ただし振動数で積分された輻射輸送方程式を解く Jiang ’15
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Fromang	&	Papaloizou	07	
他多数

S.Fromang & J.Papaloizou: MHD turbulence in accretion disks. I. Convergence 5

Fig. 4. Snapshots showing contours of the y–component of the magnetic field in the (x, z) plane (y = 0) for the runs STD64 (left
panel), STD128 (middle panel) and STD256 (right panel). Smaller and smaller scale features in the magnetic field are seen as the
resolution of the simulation increases.

Following Lesur & Longaretti (2007), we define this correlation
length through

Lz(By) =
〈

∫ ∫

By(x, y = 0, z)By(x, y = 0, z′)dz′dz
∫

B2y(x, y = 0, z)dz

〉

. (9)

In this definition, the symbol angled brackets denote an aver-
age over the x direction. The time history of Lz(By) is plotted in
figure 5, using a solid line for model STD64, a dashed line for
model STD128 and a dotted line for model STD256. Because
the raw data were very noisy, the initial curves were smoothed
using a window of about 3 orbits, corresponding to 10 snap-
shots. Figure 5 confirms the contraction of scale apparent from
the trends seen in figure 4: after about 40 orbits, Lz(By) reaches
a quasi steady value which decreases as resolution is increased.
Averaging the results in time from t = 40 orbits until the end
of the run, we obtained Lz(By)/H = 0.06 for model STD64,
0.04 for model STD128 and 0.025 for model STD256. For each
model, these numbers indicate that typical size scale for struc-
tures in By is a few grid cells. For model STD64, Lz(By) corre-
sponds to 3.8 grid cells, while it is equal to 5 grid cells for model
STD128 and 6.5 grid cells for model STD256. Similar values are
obtained when calculating a correlation length in the direction x,
defined using an equation similar to Eq. (9).

All of these results indicate that the saturated state of MHD
turbulence in these simulations is governed by the numerical dis-
sipation of the code. It is therefore important to understand in a
more detailed way the dissipation in ZEUS (and by extension
any MHD code without specified diffusivities that relies on nu-
merical dissipation to bound the size scale from below) and why
and how it affects the results. In the following section, we use
Fourier analysis to address this issue.

4. Fourier analysis
4.1. Power spectra

Useful clues into the nature of MHD turbulence are usually pro-
vided by power spectra. Here we compute the reduced power
spectrum of kinetic energy in the vertical direction, which we
define as

E(kz) =
1
2
ρ0|ṽ(kz)|2 , (10)

Fig. 6. Reduced power spectra of the kinetic energy (upper
panel) and of the magnetic field (lower panel) in the z–direction.
On both plots, the solid line corresponds to model STD64, the
dashed line to model STD128 and the dotted line to model
STD256. The dot-dashed line on the upper panel shows the slope
k−11/3 expected in the standard Kolmogorov theory of incom-
pressible hydrodynamic turbulence.In this and similar plots k is
expressed in units of 1/L.

where |ṽ(kz)|2 = |ṽx(kz)|2 + |ṽy(kz)|2+ |ṽz(kz)|2. ṽx(kz) is defined by

ṽx(kz) =<
∫

z
vx(x, y, z)e−ikzzdz > , (11)

磁気回転不安定性研究の現状①未解決問題：飽和レベル
✴降着円盤で忘れてはならない不安定性：磁気回転不安定性

降着円盤の未解決問題：MRI乱流の飽和レベル
(星と円盤でMHD的な違いがあるとすればこの不安定モードの存在)

◉MRI研究の現状	(最近,	飽和問題にも結論が出つつある)

L50 SUZUKI & INUTSUKA Vol. 691

Figure 1. Snapshot of the local disk structure at t = 210 rotations. The white solid lines are magnetic fields, the arrows indicate velocity fields, and the colored region
corresponds to δρ/⟨ρ⟩ > 0.

In |z| < 2.5H0, however, we cannot initially resolve the
wavelengths, λmax ≈ 2πvA/Ω0, of the most unstable mode
because λmax < ∆z(= H0/32), where vA = B/

√
4πρ is the

Alfvén speed and ∆z is the mesh size (the initial λmax ≈ 0.2∆z
at the midplane). First, MRI develops around z ≈ ±3H0 after
approximately three rotations. The turbulence driven by MRI
gradually spreads toward the midplane, since the growth time
(approximately ∝ ∆z/λmax for ∆z > λmax) of the resolved
wavelength is longer there. When t ! 100 rotations, the
midplane finally becomes turbulent. The magnetic field strength
saturates in the entire box after t ! 200 rotations, and the system
becomes quasi-steady-state. At this time, λmax can be resolved
even at the midplane owing to the increase of the field strength.
We continue the simulation further up to 400 rotations.

Figure 1 is the snapshot of magnetic field (white lines),
velocity field (arrows), and δρ/⟨ρ⟩ (color) at t = 210 rotations,
where ⟨ρ⟩ is the density averaging over each x–y plane and
δρ = ρ − ⟨ρ⟩. The magnetic fields are turbulent, dominated
by the toroidal (y-) component because of winding. Angular
momentum is outwardly transported by anisotropic stress due
to the MHD turbulence. At the saturated state, α ≡

(
vxδvy −

BxBy

4πρ

)/
c2
s is ∼ 0.01 in the midplane. One can also observe that

the structured outflows stream out from both the upper and lower
boundaries. Below we inspect the properties of the outflows in
more detail.

Figure 2 presents the mass flux of the z-component, ρvz/ρ0cs ,
in the t−z plane. We averaged ρvz on the x–y plane at each z grid
point. One can see that the gas flows out from both the upper

Jiang+14

①	Global	Disk ②	semi-global		
						stratihied	shearing	box

③	local	
						shearing	box

✴各設定でMRI乱流の飽和強度の解像度依存性が調べられてきた	(net	hlux有,	無)
Suzuki	&	Inutsuka	09	

→	全モデル,	全設定で同じ結論に行き着いた時が、MRI乱流研究の一応の終着点
スパコン性能上昇	→	global計算がlocal計算とほぼ同等の解像度を実現

(=	解像度依存性)



たぶん本質的にはガイド磁場が有る場合と無い場合の3Dリコネクションの飽和と関係？
→	正味の磁束があれば又は生成されればMHD乱流の強度は収束

③ローカル

②セミグローバル

①グローバル

　初期に正味の磁束	・・・収束	(解像度依存性無し)	
　初期に正味の磁束無し・・・収束しない

　初期に正味の磁束	・・・収束	(解像度依存性無し)	
　初期に正味の磁束無し・・・収束	(解像度依存性無し)

　初期に正味の磁束	・・・収束	(解像度依存性無し)	
　初期に正味の磁束無し・・・収束	(解像度依存性無し)（Sorathia+12）

（Fromang	&	Papaloizou	07）

✴つい最近までのMRI乱流研究の収束状態：

＊グローバル,	セミグローバルのモデルは自励ダイナモが起こる（磁束が作られる）
＊ローカルモデルは自励ダイナモが起きない（磁束が作られれない）

磁気回転不安定性研究の現状②MRI乱流は解像度に依るか？

③ローカル
（自励ダイナモ	×）
　正味の磁束	・・収束	
　正味0磁束・・収束しない

③ローカル
（単純に箱高⬆	→		自励ダイナモ	◯）

　正味の磁束	・・収束	
　正味0磁束・・収束

Shi+15		
(昨年12月のastroph)

✴	ただし生成された正味の磁束の強度にMRI乱流の飽和レベルは依る



454 G. Lesur and G. I. Ogilvie: On self-sustained dynamo cycles in accretion discs

Fig. 3. Volume rendering of Bx for a simulation with Re = 1600 and Rm = 6400. Left panel: t = 260, corresponding to a cycle maximum.
Right panel: t = 280, corresponding to a cycle minimum. One easily observes the large-scale Bx(z) on the t = 260 snapshot whereas strong
nonaxisymmetric structures destroy the large scale structures at t = 280.

We show in Fig. 3 some snapshots of the azimuthal magnetic
field Bx, demonstrating the large scale field structure and its de-
struction, as expected from the Fourier analysis. We then isolate
one cycle from a Re = 1600, Pm = 4 simulation and compute
the budget of the Fourier component B̂x(kz = 2π/Lz) ≡ B̂x(k0).
Applying the transformation (10) to Eq. (6), this budget may be
written as:

∂t B̂x(k0) = S B̂y(k0) − ik0Êy(k0) − ηk2
0 B̂x(k0), (12)

∂t B̂y(k0) = ik0Êx(k0) − ηk2
0 B̂y(k0), (13)

where we have defined the electromotive force (EMF) E = u×B.
According to these equations, B̂x(k0) has three sources: the shear
of radial magnetic field lines, the radial EMF and the resistivity
(acting as a sink) whereas only the azimuthal EMF and resistiv-
ity effects appear for B̂y. To study the contribution of each term
to the global behaviour of (Bx, By), we project them on the com-
plex vector (B̂x, B̂y)(k0), defining:

bj = |B̂ j(k0, t)|, (14)

mean shear =
ℜ
(
S B̂y(k0, t)B̂x

∗
(k0, t)

)

|B̂x(k0, t)|
, (15)

emf = −
ℜ
(
iε jmzk0Êm(k0, t)B̂ j

∗
(k0, t)

)

|B̂ j(k0, t)|
, (16)

resistive term = −ηk2
0|B̂ j(k0, t)|, (17)

j being the magnetic field component studied ( j = x, y) and ε jmn
being the Levi-Civita tensor. These quantities, with the phases
of their associated terms in (12), (13), are plotted in Fig. 4 for
budget (12) and in Fig. 5 for budget (13).

We find in Fig. 4 the long-timescale cycle we have already
described. The shear term is positive in the beginning of the cy-
cle, but becomes negative for t > 270, whereas the EMF has

a systematic resistive effect, with a clear phase correlation be-
tween the EMF and the resistive term. According to these re-
sults, the long-timescale cycle in the azimuthal field comes from
the behaviour of the radial field, whereas the radial EMF may
be seen, in first approximation, as a turbulent resistivity. As ex-
pected from this conclusion, By is also oscillating on a long
timescale (Fig. 5) with a smaller amplitude compared to Bx.
Moreover, this cycle comes clearly from an oscillation of the
azimuthal EMF Ex, which is reversed at t ∼ 243. Note, however,
that the EMF is very small (∼5×10−4) compared to quantities in
the budget for the azimuthal field, which may explain the long
period of these oscillations.

3.3. Modal analysis of non axisymmetric structures

The EMFs described previously are obviously nonlinear terms,
involving a coupling between u and B. An interesting question
is therefore which modes contribute most to the EMFs observed
in Figs. 4, 5. In particular, one may wonder whether nonaxisym-
metric structures play a role and if so, which structures are dom-
inant. Following this idea, we compute the following quantities:

Ê(nx, k0) =
1

LyLz

∫ Ly

0

∫ Lz

0
2ℜ[ ũ(nx, y, z) × B̃(nx, y, z)∗]

× exp(−ik0z) dy dz, (18)

with the fields ϕ̃(nx, y, z) defined by the Fourier coefficient in the
x direction:

ϕ̃(nx, y, z) =
∫ Lx

0
ϕ(x, y, z) exp

(
− 2iπnx

x
Lx

)
dx. (19)

In this notation, Ê(nx, k0) corresponds to the contribution of the
nonaxisymmetric mode nx to the total EMF Ê(k0). We then put
Ê(nx, k0) in Eq. (16) and plot the contribution of the first few
nonaxisymmetric modes in Fig. 6. From this figure, it is clear
that most of the EMF comes from the largest azimuthal wave-
lengths, nx < 3. However, the detailed generation of Ex and Ey is
somewhat different: although the contribution of axisymmetric

4 J.-M. Shi et al.

Figure 1. Snapshots (at t = 150 orbits) from standard box (top row, Lx = Ly/4 = Lz = 1H) and tall box (bottom row, Lx = Ly/4 =
Lz/4 = 1H) simulations. Shown in each case are magnetic energy (far half) and density (near half) distributions. From left to right, the
resolution is 32/H, 64/H, and 128/H. Turbulence becomes weaker in the standard box case as resolution increases; while it maintains
constant amplitude in the tall box runs. Note the color scale of the magnetic energy is logarithmic, and the color bars in the bottom and
top rows are different.
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Figure 2. The volume averaged stresses for a standard box ((Lx , Ly, Lz) = (1, 4, 1)H, left panel) and a tall box ((Lx, Ly, Lz) = (1, 4, 4)H,
right) with various resolutions: 32/H(black solid),64/H(red dotted) and 128/H(green dashed). In contrast to the small box, the vertically
elongated box achieves good convergence.

To quantify the resolution effects, we measure the vol-
ume averaged total stress αtot (the sum of the Maxwell and
Reynolds stresses normalized with thermal pressure defined
in section 2.3) and the results are shown in Figure 2. In the
standard box runs (the top left panel), after a short tran-
sient growth (∼ 30 orbits), the total stresses reaches a quasi-

steady state that last hundreds of orbits through the end
of the simulations. The time-averaged stresses are therefore
well defined and are measured over the last 100-200 orbits
(see Table-1 for the exact number used for averages). Com-
paring the saturation levels at different resolutions, we con-
firm the stress decreases as the resolution improves, roughly

MNRAS 000, 1–20 (2015)

✴どんな状況から始めても正味の磁束が生成される. MRI乱流の強度は解像度 
　には依らない (ただし生成された正味の磁束の強度には依る)

Lesur	&	Ogilvie	08
→	MRIによるダイナモ効果（正味の磁束生成）

Shi+15:	箱の高さが正味の磁束生成の鍵

local計算の箱の高さを通常の4倍以上にすると,	初期に正味の磁束が	
ゼロでも何らかのダイナモが励起され正味の磁束が生成される

α粘性 ∝ Mrφ ∝ Δα 〈B〉2 　→　Mrφ ∝  〈B〉2 
→ 正味の磁束が``物理的に”何で決まるか？？という研究 
　 (つまりダイナモ問題)に舞台が移行. あとはダイナモ次第.

磁気回転不安定性研究の現状③MRI乱流は解像度に依らない



2次元輻射磁気流体シミュレーション2次元輻射磁気流体シミュレ ション

降着率
高い

降着率
低い

図４：ブラックホール降着流の軸対称2次元輻射磁気流体計算結果（大須賀ら 2009, PASJ
L tt 印刷中） （左）降着率が高いスリム円盤状態 （中）光学的に厚くガス圧優勢な状態Letters 印刷中）。（左）降着率が高いスリム円盤状態、（中）光学的に厚くガス圧優勢な状態、
（右）光学的に薄い高温状態。青色はアウトフロー速度の等値面。

Ohsuga, Mineshige, Mori, Kato 2009 

✴最近の降着円盤＋ジェット研究：全部入りグローバル計算

特殊相対論的輻射磁気流体計算
特殊相対論効果まで含めた降着円盤シミュレーション
輻射もEddington近似からM1まで拡張(Takahashi ’15)
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✴一昔前の降着円盤＋ジェット研究：素のMHDシミュレーション

1

宇宙ジェットの形成：
MHDモデルか否か䋿

柴田一成 京大理花山天文台

（工藤哲洋 国立天文台）

2005年12月27日 基礎物理学研究所研究会

「高エネルギー天体物理学の最前線」

高原 vs 柴田 論争(2001) revisited    

講演内容

• 宇宙ジェットの形成： ＭＨＤモデルか否か䋿
高原ｖｓ柴田（２００１年3月@宇宙研） revisited
– ＭＨＤジェット駆動には，大局的磁場の存在が必要か䋿
– エネルギー解放率は十分か䋿
– ローレンツ因子の大きなジェットを作るにはどうすれば良
いか䋿

– 岡本論争について: ＭＨＤジェットのコリメーション
– Ｅ（粒子）䋾䋾Ｅ（磁場）という観測をどう考えるか䋿
– 今後の課題: 加速と構造, collimation, 観測

• その後の進展（２００１－２００５）
• 残された問題点

宇宙ジェットの形成：
ＭＨＤモデルか否か䋿

高原ｖｓ柴田

柴田一成、工藤哲洋

2001年３月２９日 「ディスクとジェット」研究会（宇宙研）

宇宙ジェットの特徴（まとめ）
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磁力線

円盤

時間変化

宇宙ジェットの電磁流体数値シミュレーション

ジェットの速度～ケプラー速度（円盤の回転速度）
～中心天体近傍では、その脱出速度

降着円盤が

磁力線をねじ
ることにより

ヘリカル磁場

生成

磁気力で加速

磁気張力で

ジェットを細く絞
る（ピンチ）

宇宙ジェットの電磁流体モデル
（工藤、松元、柴田 ２０００）

ＭＨＤジェット駆動には，
大局的磁場の存在が必要か䋿

高原： 活動銀河核や連星系で
は大局的磁場は弱い（䋿）
からＭＨＤジェットはできない

工藤・柴田：
１）大局的磁場は弱くても、ＭＨＤ
ジェットはできる！

２）局所的磁場でも、ＭＨＤジェット
はできる！

磁場に対する依存性 (from 2.5D-MHD 
simulation by Kudoh et al. 1998)
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磁気遠心力 ｖｓ 磁気圧

• ポロイダル磁場 強い 弱い

• 降着円盤近傍の
磁力線形状 直線的 ぎりぎり巻き

• 質量流出量

• 最終速度
• 適用範囲
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局所的磁場でも、ジェットは
加速できる

1. 降着円盤にダイポール磁場
2. 中心天体にダイポール磁場

ダイポール磁場の場合
(Kudoh et al. 2001)

２成分
Polar jet
Equatorial wind
（ただし、非定常
過程䋿）

原始星フレアの
ＭＨＤmodel

（Hayashi, Shibata, 
Matsumoto 1996)

ローレンツ因子～１０は
磁場加速説では困難䋿

6

ジェット中の磁場は弱いので
磁場仮説は困難䋿

高原：観測によればＡＧＮジェット
では、粒子エネルギーが磁気エネ
ルギーより桁違いに大きい。

工藤、柴田：それでもジェットは磁気
的に加速できる

観測事実：AGN jet 中の粒子エネ
ルギー䋾䋾磁気エネルギー

• 解᳿策
• １） 磁気チューブの断面積が急激に広がっ
ている (Kudoh et al. 1998)

• ２） 磁気リコネクションにより、磁気エネル
ギー䋽䋾粒子エネルギー(Blandford 2000)

MHDアウトフローの性質

Michel(1969)

放射状の磁場を仮定すると、磁場のエネルギーが、十分
運動エネルギーに変換されずに無限遠方に達する。
（fast point が無限遠方。）

Begelman & Li (1994) 

放射状よりも開いた磁束管の中を流れるアウトフローは、
すべての磁場のエネルギーを運動エネルギーに変換できる。

放射状

放射状より開いた磁力線
アウトフローの
コリメーションとも
関係している。

磁力管の開き具合は、アウトフローのコリメーションをきちんと
求めないとわからない。しかし、それを解くのは難しい。

そこで、磁力管の開き具合を適当な関数で与えて、磁力管に
沿った流れのみを求めるという研究方針をとる。

Takahashi & Shibata (1998)

が放射状）0(   
2 =∝ − ααrBr p

と仮定し、赤道面の流れを解き

パルサー風の問題に応用した。

パルサー風

回転

衝撃波

カニ星雲

運動エネルギー䋾磁場のエネルギー

1 ： 0.00330.4≈α であれば観測を説᣿

LCNS rrr 9
10≈≈ 12

10

流線に沿って

Takahashi & Shibata (1998)の研究をAGNジェットに応用

降着円盤
ブラックホール

降着円盤からのアウトフロー •一般相対論的MHD方程式
（定常、軸対称、Cold）

•流れは一次元。赤道面。

•ブラックホールの最内安定軌道
からアウトフローが流れている。
磁力線の角速度はそこでのケプ
ラー角速度。

•最終速度はγ䋽１０。

を仮定。  
2 α−∝ rBr p

アウトフロー

ブラックホール半径の100倍から1000倍の所で、磁場のエネルギー
が運動エネルギーの10分の1以下になるための条件を調べる。

柴田さんがスーパーフレアに軸足を移して以降,		
急速に日本から素MHDジェット研究が減少

降着円盤研究でやるべきこと		-	ジェットの形成まで無矛盾に繋げること	-	
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アウトフロー

ブラックホール半径の100倍から1000倍の所で、磁場のエネルギー
が運動エネルギーの10分の1以下になるための条件を調べる。

降着円盤研究でやるべきことは？
✴この辺りの問題はどうなったのか？		~	いわゆる柴田-高原論争	~
✴	「輻射無しのMHD」で何が理解できて,	何が理解できないのか？

「円盤＋ジェット系の超長時間発展	→	ジェット加速」を調べる研究が必要

→	ダイナモ問題

→	円盤+ジェット系	
　の超長時間進化
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どっちも今なら解決できるのでは？

✴MRIは正味の磁束に依存し,	解像度	
　には依存しなさそうという段階
✴正味の磁束生成(ダイナモ)に関して	
				は乱流場さえ適切に与えれば,		
				平均場モデルでほぼ記述できそう.

✴長時間計算の最大のネック		
				=	MRI（だった）	
　→	円盤の高解像度計算

(だから円盤研究に軸足が移った面も)

例：円盤の進化は平均場モデルで	
　　ジェットの伝搬はMHDで
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Ｖｋ：ケプラー速度
（円盤回転速度）

2/1)4/( πρpA BV =

磁気遠心力 ｖｓ 磁気圧

• ポロイダル磁場 強い 弱い

• 降着円盤近傍の
磁力線形状 直線的 ぎりぎり巻き

• 質量流出量

• 最終速度
• 適用範囲
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≡mgE 磁気エネルギー／重力エネルギー dscmgE ρρ /, ≡

局所的磁場でも、ジェットは
加速できる

1. 降着円盤にダイポール磁場
2. 中心天体にダイポール磁場

ダイポール磁場の場合
(Kudoh et al. 2001)

２成分
Polar jet
Equatorial wind
（ただし、非定常
過程䋿）

原始星フレアの
ＭＨＤmodel

（Hayashi, Shibata, 
Matsumoto 1996)

ローレンツ因子～１０は
磁場加速説では困難䋿

私の回答		-	円盤進化をジェットの形成に無矛盾に繋げること	-	

太陽ダイナモの理解は円盤そして磁気圏の理解に通ずるまとめ：


